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Abstract
This thesis is devoted to the study of particle acceleration and propagation processes in solar flares.
Solar flares are amongst the most powerful and energetic activity phenomena our Sun exhibits. They release energy of the order of 1032 erg in
seconds to minutes. In the process, electrons and protons are accelerated
to relativistic energies, making flares very efficient particle accelerators.
The most compelling observational signatures of flares can be found in
X-rays and extreme ultra-violet wavelengths. Due to atmospheric absorption, those wavelengths can only be studied from space. Since the
beginning of the space age, countless flares have been observed by satellites.
The present work is largely based on observations by the Ramaty
High Energy Solar Spectroscopic Imager (RHESSI), an X-ray satellite
which has been observing the Sun since February 2002. It is a NASA
mission with substantial Swiss hardware and software contribution.
Using RHESSI observations of flares of different intensity, a deeper
understanding of the particle transport and energy transport processes
in flare loops, as well as the acceleration site and acceleration mechanism
is sought. The time evolution of images and spectra is studied along with
the quantitative relations between X-ray sources observed in the corona
(coronal sources) and from the chromosphere (footpoints). The spectral
relations found between coronal sources and footpoints are compared to
the so-called “intermediate thin-thick target model”, which was based on
observations by the satellite Yohkoh. We show that the spectral relations
between coronal sources and footpoints observed with RHESSI cannot be
explained by the intermediate thin-thick target model. In a next step,
return currents in the flare loop were considered. With this extension to
the existing model, the spectra of the coronal source and the footpoints,
as well as the relations between them can be explained, indicating the
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importance of return currents in flare loops.
In a second part, observations of so-called “pre-flares” are presented.
This earliest phase of a flare cannot be explained by the standard flare
model of chromospheric evaporation which involves energy transport and
deposition in the chromosphere by beams of accelerated electrons. In preflares, an increase in density and emission measure is observed, indicating
that chromospheric evaporation is occurring. However, no observational
signatures of fast electrons are found. We show that if energy is transported by means of thermal conduction instead of an electron beam, the
observations can explained.

Zusammenfassung
Diese Dissertation widmet sich der Teilchenbeschleunigung und -propagation in solaren Flares1 .
Solare Flares gehören zu den gewaltigsten und energiereichsten Aktivitätsphänomene unserer Sonne. Sie setzen innerhalb von Sekunden
bis Minuten Energie der Grössenordnung 1032 erg frei. Dabei werden
Elektronen und Protonen bis auf relativistische Energien beschleunigt,
was Flares zu sehr effizienten Teilchenbeschleunigern macht. Die stärkste
Emission von Flares wird in Ultraviolett- und Röntgenwellenlängen beobachtet. Aufgrund der atmosphärischen Absorbtion ist eine Beobachtung
dieser Wellenlängen jedoch nur vom Weltraum aus möglich. Seit Beginn
des Raumfahrzeitalters wurden unzählige Flares von Satelliten in diesen
Wellenlängen beobachtet.
Die vorliegende Arbeit basiert zum grössten Teil auf Beobachtungen
des Röntgensatelliten RHESSI (Ramaty High Energy Solar Spectroscopic Imager), der seit Februar 2002 kontinuierlich die Sonne beobachtet.
RHESSI ist eine NASA Mission mit Schweizer Beiträgen zu Hard- und
Software.
Basierend auf RHESSI Beobachtungen von Flares unterschiedlicher
Intensität soll in den folgenden Kapiteln ein tieferes Verständnis von
Teilchentransport und -beschleunigung in Flares erreicht werden. Wir
untersuchen die Zeitevolution von Bildern und Spektren, sowie die quantitativen Beziehungen zwischen Röntgenquellen in der Korona (koronale
Quellen) und chromosphärischen Fusspunkten. Die quantitativen Beziehungen zwischen Spektren von koronalen Quellen und Fusspunkten werden mit dem sogenannten “intermediate thin thick target model” verglichen. Dieses Modell wurde auf Basis von Beobachtungen des Satelliten
Yohkoh entwickelt. Es wird gezeigt, dass die RHESSI Beobachtungen nur
1

im Deutschen wird manchmal der Begriff “Sonneneruption” verwendet
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erkärt werden können, wenn der “return current” berücksichtigt wird.
Wenn sich ein Strom von Elektronen entlang von magnetischen Feldlinien von der Korona zur Chromosphäre bewegt wird erwartet, dass sich ein
Rückstrom in entgegengesetzter Richtung ausbildet. Die Beobachtungen
und das erweiterte Modell zeigen wie wichtig dieser “return current” ist.
In einem zweiten Teil werden Beobachtungen von sogenannten “Preflares” präsentiert. Diese früheste Phase eines Flares kann nicht mit dem
klassischen Modell der Chromosphärischen Evaporation erklärt werden,
in welchem die Chromosphäre durch das Auftreffen hochenergetischer
Elektronen aufgeheizt wird und heisses Gas die magnetischen Bögen füllt.
In Pre-flares wird ein Anstieg der Dichte und des Emissionsmasses beobachtet, was auf das Vorhandensein von Evaporation hinweist. Allerdings
werden keine Signaturen von hoch-energetischen Elektronen beobachtet.
Wir zeigen, dass Energietransport in Form von Wärmeleitung anstelle
schneller Elektronen diese Beobachtungen erklären kann.
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Chapter 1

Introduction
1.1

The laboratory at our doorstep

One of the main differences between astrophysicists and most other physicists is that the former cannot reproduce and study their research objects
in the laboratory. We depend on what we get by observations. Photons
from all parts of the Universe are the messengers that carry information
about distant objects to us. Naturally, that information can be incomplete and difficult to obtain. Among the astrophysicists, solar physicists
are in a somewhat privileged situation, as their study-subject is among
the closest in our universe. The Sun is the only star of which the surface can be spatially resolved in detail by direct observations, allowing
us to study fine structures as small as several hundred kilometers. Further, it is constantly monitored by both, ground based and space born
instruments which deliver gigabytes of data every day. In some sense one
could call the Sun a laboratory at our doorstep. We cannot change the
laboratory setup, but we can study physical processes which may also
take place elsewhere in the Universe, for example particle acceleration,
in great detail.

1.1.1

A century of solar coronal observations

Because of its closeness, 1 AU or 1.469·108 km, the Sun can be and has
been studied in more detail than any other star. Large sunspots are
observable by the naked eye. Therefore, first observations of sunspots
are passed down by the Chinese from 800 BC. With a simple backyard telescope and an Hα filter, one can already observe details such
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as prominences and filaments. To observe the solar corona, the bright
photospheric emission has to be masked. This happens naturally during
a solar eclipse. Coronal observations independent of a solar eclipse became possible with the construction of the first coronagraph by Bernard
Lyot in 1930. A decade later, solar radio astronomy was born with the
first detection of solar radio waves (Hey 1946). Since then, radio spectrometers all over the world have been observing the Sun from centimeter
to meter-wavelengths. ETH Zürich has been operating radio spectrometers since 1972, the latest being Phoenix-2, the first digital instrument
in the microwave band (Messmer et al. 1999). With the development of
radio interferometry, the first radioheliograph was built in 1968 at the
Culgoora radio observatory (Labrum 1972). Followed by an observatory
near the Japanese village of Nobeyama (Nakajima et al. 1994) and the
Naçay radioheliograph (Kerdraon & Delouis 1997).
Radio observations are relatively easy to obtain in the sense that the
observed wavelengths are not significantly affected by atmospheric absorption. High quality optical observations are possible from the ground
using techniques such as adaptive optics to account for atmospheric
disturbances. Higher energetic electromagnetic radiation from extreme
ultra-violet (EUV) to X-rays and γ-rays however, is absorbed in the upper
earth atmosphere, requiring observations from space. Therefore, a whole
new world of solar observations opened up with the beginning of the
space age. A multitude of satellites has observed the Sun in wavelengths
ranging from optical to EUV and as far as X-rays and γ-rays in the last
half a century. The first X-ray observations of the Sun were made in the
nineteen-forties on rockets. The first satellites to observe the Sun in EUV
and X-rays up to γ-rays were the Orbiting Solar Observatories (OSO 18) which observed energies up to 10 MeV. They were complemented by
the ESA TD-1A mission (van Beek & de Feiter 1973) and followed by
EUV and soft X-ray telescopes on Skylab (Vaiana et al. 1977). The
Solar Maximum Mission (SMM, Orwig et al. 1980) was the first satellite to observe the Sun over a full activity-cycle. The GOES satellites
of the National Oceanic and Atmospheric Administration (NOAA) are
geostationary weather satellites with an additional soft X-ray monitor
that measures the solar X-ray emission (Garcia 1994). They have been
providing a 24 hour coverage of solar X-ray observations for thirty years.
Nowadays, the GOES classification is the main classification scheme used

1.1. The laboratory at our doorstep
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Figure 1.1: Solar observatories, ground based and space borne in the last
century (following Aschwanden 2005)

for solar flares. The size of a flare is defined as its peak flux intensity
in Wm−2 in the GOES 1-8 Å channel. Each order of magnitude in the
intensity is associated with a letter as shown in Table 1.1.
In recent years, the most important mission for solar X-ray observations was RHESSI (Lin et al. 2002), currently the only solar instrument
covering the wavelength range from hard X-rays to γ-rays. In 2006, the
Japanese Hinode mission was successfully launched, carrying an X-ray
telescope which observes the soft X-ray (thermal) regime (Golub et al.
2007). An overview of some of the important solar coronal observatories
in the last 70 years is given in Fig. 1.1.
The spatial and spectral resolution of the satellites has improved considerably over the past decades. For example, the HXT instrument on the

4
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Flux [ Wm−2 ] GOES class
10−8
A1
−7
10
B1
−6
10
C1
−5
10
M1
−4
10
X1
−3
10
X10
Table 1.1: Overview of the GOES flare classification scheme. Intermediate
classes are eg. 5·10−7 Wm−2 ⇔ B5.

Yohkoh satellite (Kosugi et al. 1992) provided three energy bands in the
energy range from 23 keV to 93 keV (23-33-53-93 keV), whereas RHESSI
provides a spectral resolution of about 1 keV in that energy range, resulting in much more detailed spectra. Despite or just because of the
increasing amount and quality of observational data, many questions in
solar physics still remain unanswered.

1.1.2

The Sun in X-rays

The multi-wavelength Sun
In X-rays, the Sun looks completely different from what we are used to
by observing it with backyard telescopes. Fig. 1.2 shows the changing
face of the Sun observed in visible light, Hα, UV and X-rays. The peak
of the solar irradiance is in the optical light, which constitutes mostly
of continuum emission originating from the photosphere (upper left in
Fig. 1.2). The upper right image displays the solar chromosphere in
the Hα line of hydrogen at 6562.8 Å. Moving further up in the solar
atmosphere, the transition region is visible in emission lines in the EUV
(lower left image). Finally, the lower right image shows the solar corona
in X-rays.
Emission of the corona
X-ray emission of the Sun originates mostly from the corona, in flares also
from lower regions down to the chromosphere. In the quiet Sun, the ob-

1.1. The laboratory at our doorstep
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Figure 1.2: The changing face of the Sun. Top left: Image of the photosphere
in white light with sunspots from SOHO/MDI (ESA & NASA) Top right:
Image in the Hα emission line (6562.8 Å), displaying the chromosphere (image
credit: NOAA/SEL/USAF). Prominences are visible as condensed gas over the
limb, dark filaments appear in projection on the disk. Bottom left: SOHO/EIT
image in the 171 Å wavelength of the EUV spectrum, illustrating the upper
transition region at a temperature of about 1 Mio. K. Bottom right: Image in
X-rays, showing the corona at a temperature of about 2 Mio. K, observed by
Hinode (JAXA/NASA/PPARC). (The size of the solar disc is not to scale).
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Figure 1.3: Electron temperature (dotted ) and density (dashed ) structure of
the quiet solar atmosphere (following Benz 2002). The temperature increases
by two orders of magnitude from the high layers of the chromosphere to the
corona while the electron density decreases considerably.

served emission is hot plasma emission in the form of continuum emission
by free electrons, as well as line emission from highly ionized ions. Typical quiet Sun coronal temperatures lie in the range of 1-2 Million degrees.
Fig. 1.3 illustrates the electron temperature and electron density structure of the quiet solar atmosphere. In a narrow boundary layer known
as transition region, the temperature increases dramatically, while the
density decreases with increasing distance from the photosphere. This
temperature increase, also known as the coronal heating problem is one
of the fundamental questions in solar physics and has still not been answered conclusively. An overview of the controversy is given in Aschwanden (2005), reviews can be found in Narain & Ulmschneider (1990) and
Narain & Ulmschneider (1996).

1.1. The laboratory at our doorstep
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Types of X-ray emission
Solar physicists distinguish between two types of X-ray emission, soft and hard X-rays.
Soft X-rays: Thermal bremsstrahlung emission as well as line emission
by excited ions is referred to as soft X-rays (SXR). The associated photon
energies lie typically in the range of ≈ 0.1-15 keV (124-0.8 Å) but can
range up as high as 25 keV (0.5 Å).
Hard X-rays: Photons with energies higher than the SXR energies, up to
300 keV (0.04 Å) are referred to as hard X-rays (HXR). They are thought
to be mainly thick or thin target bremsstrahlung emission by high energetic electrons. Often, a power-law, i.e. a straight line in a doublelogarithmic representation of the energy/flux spectrum, is observed.
Overall, signatures of a variety of physical processes in the solar atmosphere can be observed in X-rays. Observations in this wavelength
range are therefore an important tool to study the physics of the transition region and corona and hopefully solve puzzles such as the coronal
heating problem.

1.1.3

Solar flares

Among the various solar activity phenomena, solar flares are particularly
fascinating because of their enormous power. Flares can release energies
of the order of 1032 erg (1025 Joule) in seconds to minutes. The energy
is thought to be of magnetic origin, being released when magnetic field
lines reconnect in the corona. In this process, particles are accelerated
to high energies and either escape into interplanetary space along open
field lines or precipitate down to the chromosphere along the field lines
of a magnetic loop. Collisional interaction with background particles
causes them to slow down and eventually stop, emitting non-thermal
bremsstrahlung (free-free emission) which is observable in hard X-rays
(so-called footpoints). Chromospheric plasma is heated and expands upwards the magnetic loops. This process has been termed chromospheric
evaporation. The loops filled with the hot plasma become visible in soft
X-rays and EUV.

8
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Figure 1.4: RHESSI spectrogram of a typical flare illustrating the three main
flare phases (a). b): RHESSI spectrum (crosses), taken at the second hard
X-ray peak displayed in the spectrogram. The solid lines are fits described
in the text. c) is a RHESSI image, taken at the hard X-ray peak in the
25-50 keV energy band. The yellow contour indicates the emission at 6-12
keV. In image d), an arcade of post-flare loops observed by Hinode is shown
(JAXA/NASA/PPARC).
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Flare time evolution
In the classical view, the evolution of a flare is divided into three phases; a
pre-flare phase, the impulsive phase and the gradual phase. Fig. 1.4a displays a spectrogram of a typical flare, where the flare phases are drawn.
In the pre-flare phase, an increase in soft X-ray emission is observed. The
impulsive phase is characterized by a steep increase in hard X-ray emission. It is thought to be the phase when the main energy release occurs
and particles are accelerated. In the gradual phase, particle acceleration
stops and the hot plasma slowly cools. In this phase, hot, post-flare
loops can often be observed as shown in Fig. 1.4d. However, not all
events fit into this picture. Some events display a prolonged, intense preflare phase, associated with strong heating, but with no indications of
particle acceleration. This phase can last up to several minutes. Other
flares start with the impulsive phase and some events are purely gradual
with no distinct impulsive phase.
Flare spectrum
Fig. 1.4b shows the X-ray spectrum of a typical flare at the peak of the
impulsive phase (crosses). At energies 6-8 keV, the Iron-Nickel line complex, originating from highly ionized Iron and Nickel is shown. A thermal
model (Maxwellian, green curve) was fitted, revealing a temperature of
2.2·107 K. In the presented model, the emission lines were not fitted.
However, a detailed analysis of the line features in suitable events can
provide information on the plasma temperature and Fe/H abundance ratios (eg. Phillips et al. 2006). At higher energies, the spectrum has the
shape of a power-law ǫ−γ with index γ = 3.8. This can provide information on the total number of accelerated electrons and the non-thermal
energy in the flare (see Appendix B and Saint-Hilaire & Benz 2005).

1.1.4

RHESSI

The Reuven Ramaty High Energy Solar Spectroscopic Imager (RHESSI,
Lin et al. 2002) was launched on February 12th 2002 and has been observing the Sun for the past 6 years. The observed energy range spans
from 3 keV to 17 MeV with an energy resolution of 1 keV at the lowest
energies and 5 keV at MeV energies. This energy range covers thermal

10
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Figure 1.5: Illustration of the RHESSI satellite. The right image is an
illustration of a detector and the electric field lines across it. The dashed line
indicates the boundary field line which divides the detector into a front and a
rear segment (taken from Smith et al. 2002).

flare emission, emission from non-thermal electrons as well as γ -ray lines
and continuum emission from excited ions. The large energy range and
high resolution are provided by nine germanium detectors operated at
cryogenic temperatures. High voltage applied to the detectors provides
an electric field across the detectors. The detectors are separated into
two segments (front and rear) by a boundary electric field line, signals
are registered separately above and below the boundary line. The front
segment is most sensitive to photon energies from 3 keV up to 300 keV.
All photons with energy smaller than 100 keV will be stopped in the
front segment, while most photons in the γ-ray regime will pass through
and be fully stopped in the rear segments. To avoid saturation of the
detectors due to very high photons flux in intense flares, two aluminum
attenuators (or shutters), a thin and a thick one can be moved in front of
the detectors. This provides a wide dynamic range, allowing the study of
microflares as well as the largest events. As hard X-rays and γ-rays cannot be focused using currently available techniques, the RHESSI imaging
system is based on the rotating modulation collimator technique. Grids
of different pitch width are placed in front of the detectors. While the
telescope spins around its axis, this results in a modulation curve of the
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intensity of the incoming photon flux on each detector. From these modulation curves, images can be reconstructed. The different pitch width
and combinations of grids provide varying angular resolution, theoretically as high as 2.3 arcseconds (Hurford et al. 2002).

1.2

Particle kinematics in solar flares

As denoted in Sect. 1.1, the Sun can be used to study physical processes that take place all over the Universe. Solar flares accelerate a
large amount of particles to very high energies, but particle acceleration
takes place at many sites in the Universe, including the earth’s magnetosphere, supernovae and active galactic nuclei. The differential cosmic
ray spectrum is a composite of 3 power-laws, not unlike a solar flare
spectrum. When the particles are released from their acceleration site
they may suffer collisions with other particles or interact with plasma
waves. They can be deflected by magnetic fields or slowed by an electric
potential. Such transport effects can change the initial distribution of a
particle spectrum. It is tempting to use solar flares as proto-type particle accelerators, however Longair (1992) gives a word of warning at the
beginning of Sect.12.6 of his book
This section will be a severe disappointment to those astronomers who might look to solar flares for guidance in solving the problem of accelerating high energy particles in galactic and extragalactic systems.
Indeed, acceleration in strong shocks is discussed as the primary acceleration mechanism for cosmic rays while electric DC field acceleration is
more specific to solar flares. Stochastic acceleration in a second order
Fermi type mechanism may be found in all settings. Therefore, solar
flares may not solve the general problem of particle kinematic processes
in the Universe in the end but many processes can be studied in flares
with an accuracy never achievable for cosmic rays and valuable discoveries can be made.
The kinematics and physical processes of solar flares can be divided
into 3 main phases (see also Fig. 1.6).
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Figure 1.6: Generic flare model, illustrating the phases of particle acceleration, propagation and stopping. Acceleration is generally thought to take
place in a region in the corona. In the process, the plasma at the acceleration
site is heated and becomes observable in soft X-rays as coronal source. In
sufficiently high densities, non-thermal bremsstrahlung may also be produced.
The particles then precipitate down along the field lines of a magnetic loop
to the chromosphere. Hard X-ray bremsstrahlung emission is observed from
chromospheric footpoints when the particles loose all their energy in the dense
gas.
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1. Particle acceleration: particles are accelerated via a mechanism
such as stochastic acceleration or DC electric field acceleration (see
1.2.1).
2. Propagation: Particles propagate down to the chromosphere along
magnetic field lines (see 1.2.2).
3. Complete energy loss: When reaching the chromosphere, particles are fully stopped in the dense ambient plasma, emitting HXR
bremsstrahlung.
In this picture, the propagation part is commonly assumed to be force
free, i.e. the particles are freely streaming towards the chromosphere. As
Chapter 5 will show, this is a simplification which is often not consistent
with reality.

1.2.1

Particle acceleration

In the following sections, the acceleration of electrons will be discussed.
In flares and other acceleration sites, protons and other ions are also
accelerated, and the here presented acceleration mechanisms can often
account for the acceleration of those particles, as well.
There are three main acceleration mechanisms thought to be of importance in solar flares, stochastic acceleration by wave-particle interaction
(second order Fermi acceleration), shock-acceleration (first order Fermi
acceleration), and DC-electric field acceleration. All three mechanisms
are shortly summarized below. A more detailed description including
the strenghts and weaknesses of the individual models in the context of
particle acceleration in solar flares can be found in the review by Miller
et al. (1997).
Second order Fermi acceleration
This type of acceleration was initially proposed by Fermi (1949) to explain the cosmic ray spectrum. In his original work he assumes a stochastic process in which particles are accelerated by collisions with magnetic
clouds in the interstellar medium. However, this process is also conceivable in all settings involving dynamic magnetic fields. A big achievement

14

Chapter 1. Introduction

of Fermi acceleration is that one can reproduce a power-law spectrum
as is observed in cosmic rays as well as solar flares. For this reason, the
original Fermi acceleration shall be reviewed here. In Fermi’s derivation
it is assumed that charged particles are reflected by ’magnetic mirrors’
which move randomly with an average velocity V . It is further assumed,
that the particle distribution is isotropic between the mirrors and the
particles are scattered randomly after an encounter. Statistically, headon collisions are more likely than following collisions for particles with
velocity v > V , therefore particles will gain energy on average. If an
escape time τesc is introduced, after which a particle leaves the acceleration region, a power-law of the energy/particle density spectrum can be
recovered. Following the treatment in Longair (1992), we compute the
energy increase rate and the resulting spectrum.
Derivation of energy increase rate and power-law spectrum:
Assume an infinitely massive magnetic cloud, moving at velocity V . The
particles hit the mirror under an angle θ relative to the normal to the surface of the mirror. In a relativistic treatment, the energy of the particle
in the center of momentum frame of the cloud is then:
E ′ = γV (E + V pcosθ),

(1.1)

where γ is the Lorentz factor. Transforming back to the observer frame,
the energy gain ∆E of a particle in an encounter is
V
2V vcosθ
+
2
E − E = ∆E =
c2
c


′′

2

(1.2)

in second order of V/c. Assuming that the particle is randomly scattered
between encounters in the cloud, a mean increase in energy can be found
by averaging over the pitch angle θ. In the relativistic limit, an average
energy gain per collision of
∆E
8 V
h
i=
E
3 c


2

(1.3)

is found. The mean energy increase rate dE/dt can be found by computing the average time between collisions from the mean free path of a
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V2
E = αE
cL
!

dE
4
=
dt
3

(1.4)

Recovering a power law in particle density:
We start from the diffusion-loss equation in equilibrium for the particle density N(E):
dN
∂
N
= D∇2 N +
[b(E)N (E)] −
+ Q(E)
dt
∂E
τesc

(1.5)

where D∇2 N is the diffusion term, b(E) = −dE/dt is the energy loss
term, τesc is the particle escape time and Q(E) the source term. Assuming
a steady state with no diffusion and no external sources, the first term on
the lefthand side, as well as the first and the last term on the righthand
side can be neglected. Finally, by replacing b(E) with Eq. 1.4 one gets:
−

N (E)
d
[αEN (E)] −
=0
dE
τesc

(1.6)

which can be written in differential form:
dN (E)
1
=− 1+
dE
ατesc




N (E)
E

(1.7)

The solution of this differential equation is a power-law given as:
N (E) = const. · E −x

(1.8)

with x=1+ ατ1esc .
In flares, second order Fermi acceleration is encountered in form of
a stochastic process of wave-particle acceleration. Particles can interact
with waves, if they move with approximately the phase velocity of the
wave or their gyrofrequency is in resonance with the wave frequencies. In
a real setting such as the solar corona, a large number of different waves
will be present, some are expected to have constructive interference with
the motion of a particle, some destructive. In this stochastic process,
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parts of a particle distribution will experience a net gain in energy. One
specific model, termed transit time damping was presented by Miller
et al. (1996). The model was extended by Grigis & Benz (2006) to
account for particle escape and transport processes. With their model,
Grigis & Benz (2006) could explain the soft-hard-soft time evolution of
flare spectra. Furthermore they could reproduce observed flare spectra
by RHESSI.
First order Fermi acceleration in shocks
As opposed to the second order Fermi acceleration, particles only encounter head-on collisions at shock fronts. The resulting energy increase
rate (compare Eq. 1.3) will go as the first power of (V /c), thus the term
first order Fermi acceleration. As a result, this process is more efficient
than second order Fermi acceleration. Generally, two types of shock acceleration are distinguished; shock-drift acceleration and diffusive shock
acceleration. In the former, each particle has only a single encounter with
the shock front while in the latter a particle can be reflected by moving
fronts several times. A review on the history and the various mechanisms
of particle acceleration in shocks can be found in Jones & Ellison (1991).
For the case of flares, shock acceleration has been used to explain the
acceleration of high energetic protons (eg. Bai et al. 1983).
DC electric field acceleration in solar flares
The general expression for the acceleration of a particle in electromagnetic fields is
d
(γmv) = e(E + v × B)
(1.9)
dt
For the acceleration of electrons in electric DC fields in the flare environment, collisions of the accelerated electrons with other electrons in
the distribution have to be taken into account. The general equation
of motion for an electron in the presence of an electric field, including
collisions, is:
dvk
me
= eEk − νe me vk
(1.10)
dt
where it is assumed that the particles move parallel to the electric field.
The second term on the righthand-side represents the deceleration by
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collisions where νe is the collision frequency. The collision frequency in
Eq. 1.10 for electron-electron collisions can be written as:
e4 ne lnΛ
νe =
2πǫ2o me v 3

(1.11)

where ne is the electron density, lnΛ the coulomb logarithm (typically
around 20 in the corona), me the electron rest mass and kB the Boltzman constant. As a consequence of the v −3 dependence of the collision
frequency, collisions are less and less important the higher the velocity of
a particle. Above a certain threshold velocity Vc , the electrons are accelerated without significant slowdown by collisions. This is called electron
runaway. Likewise, there exists a critical electric field for a given temperature and density. In electric fields exceeding this so-called Dreicer
field, all electrons are runaway. In flares, so-called sub-Dreicer as well as
super-Dreicer acceleration of electrons are studied.
However, one of the fundamental problems in electric field acceleration is the generation of an electric field capable of accelerating particles
(i.e. parallel to the magnetic field). The solar coronal plasma can be
approximated as ideal plasma with infinite conductivity, therefore, following Ohm’s law
E + v × B = 0.
(1.12)
Possible scenarios for electric field acceleration have been proposed by e.g.
Litvinenko (1996) who investigates super-Dreicer acceleration in large reconnecting current sheets or Holman (1985) for sub-Dreicer acceleration.

1.2.2

Propagation

As seen above, particles can be accelerated as well as slowed by electric
fields or deflected by magnetic fields. Further, they can have collisional
encounters with other particles, losing energy in the process and being
deflected from their initial path. Two main mechanisms of transport
processes may be important in solar flares; collisional energy loss and
non-collisional energy loss. Both are shortly discussed here.
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Collisional losses
Electrons loose their energy in close encounters with ions and other electrons. The amount of energy lost and the time it takes until a particle
is fully stopped depends on the initial electron energy, and the column
depth N = ne · l the electron passes. Here, ne is the particle density
of the surrounding plasma and l is the path length the electron travels.
The column depth Nstop necessary to stop a particle completely can be
approximated to
Nstop ≈ 1017 E02 [cm−2 ]
(1.13)
where E0 is the initial electron energy in keV (Tandberg-Hanssen & Emslie 1988). In the classical flare scenario, energy loss by collisions is most
important in the chromosphere, where electrons of all energies are fully
stopped. It may also be important if there is a dense region in the corona
(coronal source) that the particles pass from the acceleration site to the
chromosphere. In such a region, not all electrons will be fully stopped,
but the initial (accelerated) electron spectrum will be altered. Typical
column densities in average flare loops are in the range of 1018 cm−2 ,
therefore, only very low energetic electrons are expected to be influenced
at all by the passage through the loop.
Non-collisional losses due to electric field
The most obvious means of non-collisional losses for flare beam particles
are electric fields. Assuming an electric field parallel to the particle velocity and zero magnetic field, the energy E loss a particle looses in the electric
field E can directly be derived from Eq. 1.9. For the non-relativistic case
we get
Z
Eloss = eE ds
(1.14)

where e is the elementary charge and s the distance the particle traveled.
The energy lost is independent of the initial electron energy. Therefore,
the low energetic electrons in a given distribution are most affected. Contrary to the collisional case, there will be no observable radiative signature if an electron looses energy by non-collisional means. Therefore, we
need indirect measures to assess this case. Chapter 5 will illustrate how
we can investigate energy losses due to return currents and the attributed
electric field in flare loops. Figure 1.7 compares the influence of collisional
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Figure 1.7: Influence of energy loss processes on an initial power-law electron
spectrum (left) and the resulting observed photon spectrum (right). The
vertical lines outline the non-thermal energy range observed in an average
flare.

and non-collisional losses for different column densities and energy loss.
The non-thermal energy range over which most flares are observed is indicated. The Figure shows that the spectra are not power-laws anymore,
but slightly curved. The notion of power-laws goes back to the days when
the energy resolution of our instruments in this energy range was orders
of magnitude less than nowadays. Further, Fermi acceleration can reproduce power-laws. However, many observations of RHESSI flares reveal
curved spectra. They are often fitted with two power-law components
of different slope. Transport processes, as shown above, could explain
those non-power-law spectra. However, there is increasing evidence that
the acceleration process itself can also be responsible for such spectra.
The transit time damping model Grigis & Benz (2006) results in curved
spectra.

1.3

Outline

In the previous sections, an overview of the current state of flare research was given. Various and sometimes contradictory theoretical models and numerical simulations of particle acceleration and propagation
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exist. Some are based on observations or explain observations at least
qualitatively. In the following chapters, new observations of flares are
presented and compared to existing theory in order to achieve a better
understanding of particle acceleration and propagation in flares.
In Chapter 2, a statistical survey of flares of different intensity is
presented in order to answer the question whether small flares are just
scaled down versions of larger ones or whether their intrinsic properties
are different.
Chapter 3 introduces the technique of imaging spectroscopy. This
technique is used to study the relation between concurrent X-ray sources
in flares. The time evolution of the individual source spectra may provide
clues about the acceleration site and mechanism, while the quantitative
differences between the individual source spectra can help understanding
transport processes in flare loops.
In Chapter 4, the relations between individual sources as found in
Chapter 3 are compared to a simple theoretical flare model. It is shown
that the RHESSI data with its improved spectral resolution compared
with previous instruments does not fit the theoretical predictions in most
cases.
With Chapter 5, the simple model from Chapter 4 is expanded. By
including transport effects the observations can be explained.
Chapter 6 shifts the focus from the impulsive flare phase to the preflare phase of events with pronounced heating. Here we compare energy
transport by electron beams with thermal conduction.
Although the work presented here provides answers to some puzzles
in modern flare physics, a lot of questions still remain open. Those are
briefly addressed in an Outlook.

Chapter 2

Size dependence of solar X-ray flare
properties ∗
M. Battaglia 1 , P. Grigis1 , and A. O. Benz1

Abstract
Non-thermal and thermal parameters of 85 solar flares of GOES class B1
to M6 (background subtracted classes A1 to M6) have been compared
to each other. The hard X-ray flux has been measured by RHESSI and
a spectral fitting provided flux and spectral index of the non-thermal
emission, as well as temperature and emission measure of the thermal
emission. The soft X-ray flux was taken from GOES measurements. We
find a linear correlation in a double logarithmic plot between the nonthermal flux and the spectral index. The higher the acceleration rate of
a flare, the harder the non-thermal electron distribution. The relation is
similar to the one found by a comparison of the same parameters from
several sub-peaks of a single flare. Thus small flares behave like small
subpeaks of large flares. Thermal flare properties such as temperature,
emission measure and the soft X-ray flux also correlate with peak nonthermal flux. A large non-thermal peak flux entails an enhancement in
both thermal parameters. The relation between spectral index and the
non-thermal flux is an intrinsic feature of the particle acceleration process, depending on flare size. This property affects the reported frequency
distribution of flare energies.
∗
1
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2.1

Introduction

Do small flares differ from large flares? In the simplest flare scenarios
small flares are just scaled down versions of large flares. This is predicted
explicitly in theories that envision flares as a kind of avalanche process,
consisting of many small elements (Lu & Hamilton 1991; Lu et al. 1993).
On the other hand, one could speculate that a flare changes the environment of an active region and, in its course, alters the properties of
the elementary events. Such an effect would be a feedback effect, thus a
secondary phenomenon. However, big flares could be genuinely different
because the initial conditions that lead to them may be more demanding
on some plasma parameters that finally not only make them bigger but
qualitatively dissimilar.
Kahler (1982b) noted that there is a statistical correlation between solar flare energy release and the observation of certain flare manifestations.
This so-called ‘Big Flare Syndrome’ states that large flares tend to be associated with phenomena that may not be directly related to each other,
such as solar protons (Kahler 1982a), Type II and IV radio bursts (Kahler
1982a), decimeter radio emissions (Simnett & Benz 1986), coronal mass
ejections (Dougherty et al. 2002), and white light flares (Matthews et al.
2003). A simple interpretation of the Big Flare Syndrome proposes that
the various signatures just get above the threshold for observations in
large events (Kahler 1982a). However, some radiations do not increase
linearly with flare size. Such a behavior was e.g. recently reported for
the energy in decimeter type IV bursts, increasing with about the fifth
power of the GOES soft X-ray flux (Benz et al. 2005).
A quantitative difference between small and large flares was found in
thermal soft X-ray emission. Feldman et al. (1996)) report an increase of
temperature T with the flare soft X-ray emission, defined by the GOES
peak flux FG at 1-8 Å (1.55-12.4 keV). The average relation is approximately
FG (T ) = 3.5 · 100.185T −9.0 ,
(2.1)
where the flux is in Wm−2 and the temperature in units of 106 K. They
also find a correlation between emission measure and temperature which
has been explained theoretically by Shibata & Yokoyama (1999) based on
a balance between magnetic reconnection and conductive cooling. Feldman et al. conclude that if a flare is the collection of subresolution events,
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the plasma properties of the events occurring during peak emission of
large flares and small flares must be different.
Here we ask whether the characteristics of hard X-rays emitted by the
non-thermal electrons accelerated in solar flares are different in small and
large flares. Except for the rare thermal flares, the energy distribution
of hard X-ray flare photons follows a power-law. Its index γ usually
starts with a high value (’soft’ radiation), reaches a minimum at peak
flux and increases at the end (as noticed already by Parks & Winckler
(1969). This ’soft-hard-soft’ (SHS) behavior is also found in sub-peaks
and has recently been analyzed quantitatively for the first time by Grigis
& Benz (2004), henceforth GB04) using RHESSI observations. The SHS
evolution of individual flares and subpeaks indicates a change in the
acceleration process in the course of a flare. It can be visualized roughly
by the non-thermal spectrum in log-log representation moving down and
up at high energies with a fixed point in the flux-index plane, at an energy
of 6.5 - 12.5 keV (average 9 keV; GB04). Although this ’pivot’ point may
be virtual (i.e. an extrapolation beyond measured data), its location is
a characteristic of the electron acceleration process and the subsequent
diffusion in energy.
For all rise and decay phases in several subpeaks of 24 flares, GB04
find the relation
−α
γ = AF35
,

(2.2)

where F35 is the fitted non-thermal flux at 35 keV, and α = 0.197±0.003.
Does the same relation hold between the flux and spectral index at peak
time for flares of different size? Another question is whether the flares of
different size behave in the average like the subpeaks of one flare. X-ray
data of a large number of flares, small and large, have been registered
by the Ramaty High Energy Solar Spectroscopic Imager (RHESSI Lin
et al. 2002). Section 2.2 describes how an equal number of flares in each
decade of peak GOES flux was selected. In Sect. 2.3, the characteristic
values of thermal and non-thermal emissions at peak flux are compared
as a function of flare size. The results are discussed and compared to
previous work in Sect. 2.4, and conclusions drawn in Sect. 2.5.
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2.2

Event selection and data reduction

The RHESSI satellite observes the full Sun from 3 keV to 17 MeV since
February 2002. In this study, the high spectral resolution (1 keV) of
RHESSI’s germanium detectors is utilized to study the hard X-ray flare
emission below 300 keV. This energy range is dominated by a thermal
part at the lower end, usually superposed by a non-thermal part with
a power-law spectrum at higher energies. The high spectral resolution
allows for the first time to separate and to analyze the non-thermal component where it comprises most photons in a large number of flares. The
same analysis also yields information on the thermal X-ray emission in
the 3–20 keV range. It is supplemented by soft X-ray observations from
the GOES satellite Garcia (1994).
We selected 100 well observed flares from GOES class B1 to X1 from
the time between RHESSI launch and April 5th 2004, using the RHESSI
Experimental Data Center (HEDC, Saint-Hilaire et al. 2002) at ETH
Zürich. The selection process aimed at having a statistically representative sample of flares over the whole time period and from different active
regions.

2.2.1

Data selection

We took all events with an image in HEDC, giving their location on the
solar disc, and present in the RHESSI-flare-list of April 5th, 2004. This
ensured that only solar events were selected and yielded a list of 6039
flares. As we wanted to arrange the flares according to their GOES class,
flares without or with bad GOES data in the corresponding time interval
where removed from the list. This second step ended with a list of 5871
flares.
To get a uniform distribution of events in flare size, flares where sorted
according to their GOES peak flux (without background subtraction).
The flux range B1 to X1 was divided into 10 equally wide bins on a
logarithmic scale. For each of the 10 bins, 10 events where randomly
chosen. A flare had to fulfill the following criteria to be acceptable:
1. The start of the flare and its peak hard X-ray emission had to be
well observed. This should guarantee that we did not miss any
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interesting parts and allow a good background selection.
2. The attenuation state had to be constant for a period of 4 minutes
centered at hard X-ray peak time.
3. The front decimation weight had to be less or equal to 2, to better
study the thermal emission. There was an exception from this rule
for GOES classes M5 to X1, because in this bin there were just 8
events. Thus every single flare that fulfilled the first 2 criteria has
been taken to have a sample as large as possible.
4. For flares in GOES class B1 to B9, there had to be no attenuation
and decimation, because of the weak emission of these flares and
the low count rates.
5. There must be no enhanced flux of charged particles in the satellite
environment a few minutes before and after peak time.
We additionally discarded small flares occurring during the decay phase
of a larger event since in such cases it is not possible to separate the
emissions of the two events.
For each of the selected flares we performed a spectral analysis. We
chose the longest time interval around flare peak time without gaps and
with RHESSI in sunlight, and we created a series of spectra with a time
bin with of one RHESSI rotation period (approximately 4 seconds). The
energy-bin width was chosen fine enough to resolve the thermal and nonthermal spectra, but not so fine that statistical errors became too large.
In our case that meant a binning of 1 keV from 3–50 keV (with exception
of the range 6–12 keV for the larger flares (C3–X1), where the binning
was 0.3 keV), and a larger binning above 50 keV. With these bin widths,
a clear separation between the thermal and non-thermal spectrum is
possible. For smaller flares, a wider binning was applied for energies
of 20 keV and higher as there is less flare emission above that energy.
Only the data from the front segments, without detector 2 and 7, where
used (in case the transmitter was active during the chosen time interval,
detector 8 was also omitted).
For 7 events, no spectrum files could be produced. One event had
the lifetime below 90% at peak time and therefore was not acceptable for
spectroscopy. This left us with 92 events.
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Selection effect for small flares
The RHESSI flare list reports events automatically flagged by the software when the emission in the 12–25 keV band increases. This energy
range contains some non-thermal emission of microflares (Benz & Grigis
2002; Krucker et al. 2002)). However, weak GOES events tend to be lost
in the RHESSI background in this energy range. Therefore, the RHESSI
flare list misses many soft X-ray events of lower GOES class. We have
tried to compensate for it by choosing manually 14 flares from the observing summary light curves that did not have a flare flag. For all of
those events, the non-thermal emission was however too small to perform
a spectral fitting in such a way that the event could be used meaningfully in the further analysis. Thus there remains a selection effect: for
low GOES classes, events with large 12–25 keV flux are preferentially selected. Comparisons between non-thermal emission and thermal emission
(GOES class), where this effect may play a role, must be treated with special attention. We will point them out in the discussion (Sect. 2.4). The
influence of the selection effect on the relation between the non-thermal
parameters is shown in Fig. 2.2.

2.2.2

Background subtraction and peak time
selection

For each event we subtracted the background and performed a spectral
fitting at the time of maximum emission in the hardest observable peak.
As the spectral index changes with time, we chose a fitting time-interval
of only 4 s to have a value for the instantaneous spectral index, rather
than one averaged over time. The fitting has been performed using the
SPEX package (Schwartz 1996; Smith et al. 2002). In total, 3 time
intervals have been fitted: One at peak time, and one immediately before
and after the peak time interval to compare the fittings and see whether
they were plausible. For the later analysis only the spectrum at peak
time has been used.
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Spectral fitting

SPEX transforms a model photon spectrum into a model count spectrum
via the spectral response matrix (SRM) and compares it to the observed
count spectrum, iteratively adjusting the model parameters until a local
minimum in χ2 is found.
We used a spectral model that consisted of 2 isothermal components,
each given by its temperature T1 and T2 as well as its emission measure
EM1 and EM2 respectively, and a non-thermal component. The nonthermal component consists of a power-law with spectral index γ and flux
F50 at normalization energy 50 keV, a low energy turnover at energy Eturn
and a high-energy break at energy Ebr . The power-law index above Ebr is
named β. The index below Eturn is fixed at 1.5. The model is illustrated
in Fig. 2.1. It has 9 free parameters, but it was not always necessary to let
all of them free. At first, an isothermal component (T1 , EM1 ) was fitted,
followed by a power-law with a low-energy turnover (henceforth called
’standard model’). If the non-thermal spectrum showed indications of a
break at high energies, the parameters Ebr and β were also fitted. Some
of the larger flares showed strong thermal emission that was fitted with
an additional hotter isothermal component (T2 , EM2 ).
Table 2.1: Event list

No.
1
2
3
4
5
6
7
8
9
1
2
3

Date

Time

GOES1

22-Aug-02
10-Jun-03
20-May-02
20-Feb-02
15-Apr-02
18-Nov-03
29-Sep-02
13-Jun-03
16-Apr-02

01:52
11:06
10:52
09:58
00:10
08:08
06:36
02:01
13:10

M5.7
M5.2
M5.1
M4.8
M4.0
M3.8
M3.0
M2.8
M2.7

GOES2
orig.
M5.9
M5.4
M5.3
M4.9
M4.1
M3.9
M3.1
M3.1
M2.8

Background subtracted GOES-class
Original GOES-class before background subtraction
units: photons s−1 cm−2 keV−1

γ

F35 3

3.4
2.9
3.6
3.6
5.8
2.6
3.6
6.9
6.5

1.1·101
1.7·100
5.9·10−1
6.9·10−1
6.8·10−1
2.3·100
3.5·100
7.0·10−1
3.2·10−1
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Table 2.1: (continued)

No.

Date

Time

GOES1

10
11
12
13
14
15
16
17
18
19
20
21
22
23
24
25
26
27
28
29
30
31
32
33
34
35
36
37
38
39
40

06-Jul-02
27-Sep-02
20-Oct-02
10-Apr-02
01-Jun-02
21-Aug-02
04-Apr-02
15-Apr-02
21-Feb-02
17-Apr-02
20-Feb-02
23-Aug-02
18-Jul-02
30-Aug-02
24-Oct-02
20-Aug-02
29-Aug-02
16-Sep-02
09-Apr-02
02-Apr-02
23-Aug-02
31-Aug-02
18-Sep-02
29-Aug-02
20-Jul-03
30-Aug-02
28-Feb-02
29-Nov-03
15-Nov-02
02-Oct-02
09-Sep-02

03:32
13:08
00:41
19:02
03:53
01:39
10:44
23:10
18:10
00:38
16:23
11:58
23:14
02:40
18:05
22:28
23:32
20:02
06:05
02:28
00:43
14:22
01:12
13:22
14:51
04:29
12:07
18:01
13:47
21:15
21:31

M2.0
M1.9
M1.8
M1.7
M1.5
M1.4
M1.3
M1.2
C9.9
C9.9
C9.3
C8.4
C7.9
C7.7
C7.4
C6.8
C6.2
C4.6
C4.2
C3.9
C3.6
C3.2
C2.9
C2.8
C2.6
C2.2
C2.0
C2.0
C1.7
C1.4
C1.3

GOES2
orig.
M2.1
M2.0
M1.9
M1.8
M1.6
M1.6
M1.5
M1.3
M1.2
M1.1
M1.1
M1.4
C8.6
C8.9
C7.8
C8.4
C7.6
C5.3
C7.8
C5.6
C5.4
C5.1
C4.0
C5.0
C3.8
C3.5
C4.5
C2.7
C3.4
C2.1
C2.2

γ

F35 3

5.8
3.3
5.3
2.9
2.3
2.7
5.2
4.9
5.3
4.3
3.9
6.8
4.0
4.2
3.0
3.5
5.8
3.8
7.5
6.8
5.4
2.9
5.6
4.6
8.3
4.7
5.5
7.5
6.4
6.6
2.4

3.6·10−1
2.4·10−1
3.9·10−1
3.8·100
2.8·100
1.3·101
2.6·10−1
6.6·10−1
4.5·10−1
2.5·10−1
1.6·10−1
1.9·10−1
1.0·100
5.4·10−1
5.6·10−1
1.9·100
1.9·10−1
2.1·10−1
2.0·10−2
2.4·10−2
1.5·10−1
9.8·10−1
2.2·10−2
3.5·10−2
1.4·10−3
2.0·10−1
3.6·10−2
6.8·10−3
2.6·10−2
9.5·10−3
5.0·10−2
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Table 2.1: (continued)

1
2
3

No.

Date

Time

GOES1

41
42
43
44
45
46
47
48
49
50
51
52
53
54
55
56
57
58
59
60
61
62
63
64
65
66
67
68
69
70
71

05-Apr-03
24-Feb-02
28-May-02
27-Nov-02
01-Dec-03
01-Jul-02
28-Mar-02
23-Sep-03
28-Nov-02
11-Aug-02
19-Jul-02
03-Aug-02
22-Apr-03
28-Jul-03
11-Jan-04
25-Oct-02
26-Nov-03
15-Dec-03
08-Mar-03
18-Mar-04
05-Mar-04
11-Apr-03
11-Apr-03
23-Nov-02
12-May-03
27-Sep-03
02-Dec-02
10-Jan-04
23-Mar-04
14-Apr-03
24-Feb-03

00:34
15:37
03:12
09:05
15:02
04:44
05:06
11:42
04:36
21:48
08:38
22:22
01:27
03:25
16:09
16:21
22:40
11:36
11:54
00:23
18:25
12:02
10:27
02:45
17:38
10:30
12:44
01:04
13:12
12:19
20:39

C1.3
C1.1
B8.8
B8.7
B7.7
B5.8
B5.4
B4.4
B3.8
B3.6
B3.3
B3.0
B3.0
B2.9
B2.7
B2.5
B2.5
B2.5
B2.3
B2.3
B2.2
B2.0
B2.0
B1.7
B1.3
B1.2
B1.1
B1.1
B1.0
A9.7
A9.3

GOES2
orig.
C2.1
C2.5
C3.4
C1.7
C1.4
C1.2
C1.4
B8.1
C1.1
C1.5
C1.0
C2.0
B7.4
B5.3
B6.2
B7.8
B8.7
B6.8
B7.0
B5.5
B8.0
B3.7
B3.5
B9.2
B2.4
B4.8
B5.1
B4.1
B3.7
B2.4
B1.9

Background subtracted GOES-class
Original GOES-class before background subtraction
units: photons s−1 cm−2 keV−1

γ

F35 3

5.1
5.1
8.2
7.3
6.8
5.5
3.3
6.7
2.9
5.0
2.9
6.5
4.3
4.4
6.1
5.8
6.5
6.2
3.9
5.1
5.0
4.8
5.1
5.3
5.0
4.2
6.7
7.9
5.2
4.4
4.9

1.4·10−2
1.1·10−1
2.6·10−3
9.6·10−3
4.7·10−3
6.0·10−3
2.3·10−1
2.8·10−4
7.7·10−1
6.3·10−2
6.3·10−2
1.5·10−2
2.3·10−3
4.9·10−3
8.4·10−4
2.6·10−4
6.9·10−4
4.6·10−3
6.3·10−3
5.3·10−3
1.7·10−2
8.4·10−3
5.5·10−3
2.2·10−2
9.7·10−4
6.4·10−3
3.3·10−4
9.1·10−5
1.1·10−3
8.9·10−3
3.3·10−3
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Table 2.1: (continued)

No.

Date

Time

GOES1

72
73
74
75
76
77
78
79
80
81
82
83
84
85

25-Feb-03
24-Feb-03
10-Mar-03
30-Mar-03
12-Apr-03
14-Apr-03
24-Dec-03
14-Apr-03
26-May-03
17-Apr-03
30-Jul-03
14-Mar-04
12-Apr-03
10-Apr-03

01:43
17:18
13:31
03:50
04:14
06:04
11:01
23:00
12:25
13:36
08:38
10:09
08:50
13:42

A9.3
A8.5
A7.2
A6.9
A5.6
A5.0
A4.6
A4.4
A4.3
A4.2
A3.8
A2.8
A2.8
A2.5

GOES2
orig.
B1.9
B1.9
B4.2
B6.0
B1.8
B1.7
B4.2
B1.9
B3.8
B2.9
B2.0
B1.6
B1.8
B1.7

86
87
88
89
90
91
92

23-Sep-02
09-Sep-02
04-May-02
17-Nov-02
01-Mar-04
29-Feb-04
28-May-02

04:48
16:32
10:21
07:18
02:10
20:09
02:00

C1.3
B8.0
B4.4
B4.0
A1.4
A5.6
B5.2

C1.6
C2.2
C1.3
C1.7
B1.7
B2.5
C2.1

γ

F35 3

6.8
4.7
3.3
4.3
3.0
5.1
5.7
3.9
5.4
5.6
4.0
3.9
2.3
3.2

1.8·10−4
2.2·10−3
8.9·10−3
1.1·10−2
3.7·10−2
2.0·10−3
1.8·10−3
3.4·10−3
2.8·10−3
1.2·10−3
3.7·10−3
4.4·10−3
2.8·10−2
1.1·10−2

All 92 flares are listed in Table 2.1 with a number, date, peak time, GOES
flux, spectral index and non-thermal flux. In total, 6 different models where
fitted:
1. One thermal part and an unbroken power-law (standard model): This
provided the best fitting for 31 flares. Another 37 flares where fitted
1
2
3

Background subtracted GOES-class
Original GOES-class before background subtraction
units: photons s−1 cm−2 keV−1
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E turn

T 1 EM 1

γ

E br
T 2 EM2

F 50

β

Figure 2.1: Illustration of the fitting model and the 9 free parameters discussed in the text. A non-thermal component (solid line) and two thermal
components (dotted and dash-dotted) are shown.
with this model, but were also consistent with two thermal components
and no power-law. This point will be discussed later.
2. One thermal part and a broken power-law: For 15 of the larger flares, a
broken power-law fitting was applied. Most of these flares had emission
beyond 50 keV, some up to 100 keV or more. Three of them can also
be fitted with two thermal components.
3. Two thermal parts plus power-law: 2 flares had thermal emission up to
around 20 keV which we fitted with two temperatures instead of one.
4. Only thermal: 6 flares show no indications for a power-law part in the
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spectrum and were therefore fitted with one thermal part only (flare
numbers 86–90 in Table 2.1) and with only two thermal components
(no. 91). The largest of them was a C1.3 after background subtraction.
These flares were not used in the further analysis.
5. Only broken power-law: Flare no. 92 (Table 2.1) was particularly difficult to fit. The best fitting was a broken power-law only. The spectrogram shows a very impulsive, short emission, even at the lowest energies.
If present at all, the thermal emission must have been very small. This
flare was not taken into the further analysis.

In conclusion, 85 out of 92 events could be fitted with the standard model or
additionally with a break or a second isothermal component.

2.2.4

Flares with more than one fitting model

For many of the flares smaller than background subtracted GOES class C2,
fitting a model with only 2 thermal components and no non-thermal emission
was also possible. These smaller flares are less intensive than large flares.
Therefore the non-thermal emission can be quite weak or even lie below the
background level. As the signal-to-noise ratio decreases, different fittings are
possible, but not necessarily plausible. The χ2 of the two different models are
often about the same value, making it impossible to determine which model is
better. The temperatures range up to 260 MK in B-class flares. Although the
thermal energy content would not be unphysically high, the standard model
has been taken for each of those flares in the further analysis, as the analogy
to large flares is the simplest assumption.

2.3

Results

We present here the results obtained from the fittings, comparing several flare
properties to each other.

2.3.1

Non-thermal emission

Spectral index versus non-thermal photon flux
The non-thermal photon flux is modeled by a power-law distribution with
spectral index γ. For events with a broken power-law, γ refers to the spectral
index below the break energy. For the comparison of the spectral index and the
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photon flux we cannot use the total flux above Eturn , Ftot = E∞turn F (E) dE,
since this quantity depends strongly on Eturn which is poorly determined by
the observations. Instead we use the flux at a reference energy E0 . The
maximum energy with still observable flare emission varies from about 20 keV
to 300 keV, and increases with flare size. Therefore, choosing a high E0 means
extrapolating the flux of small flares into a range where it is not actually
observed, whereas choosing a low E0 means extrapolating the flux of large
flares into a range where thermal emission might dominate. The influence of
the choice of E0 on the plot of γ vs. FE0 is described in GB04. We chose
E0 =35 keV as a typical energy for the presentation of the results. This allows
also for comparisons with previous work.
The plot of γ vs. F35 for the examined 85 flares with a non-thermal
component is shown in Fig. 2.2. Despite the large scatter of the data, a linear
correlation in the double logarithmic plot is noticeable. A linear regression
has been performed. As suggested by Isobe et al. (1990) for this kind of
scattered data, the bisector regression method has been used. The relation
can be written as a power-law model
R

ln γ = ln(A) − α ln F35 ,

(2.3)

with statistical errors ln(A) = 1.11 ± 0.06 and α = 0.13 ± 0.01, or
−0.13
.
γ = 3.0F35

(2.4)

Since the data have a fairly large scatter and there are less than 100 data
points, it is difficult to determine unambiguously a single best regression
model. The ordinary least squares regressions of y vs. x and x vs. y yield a
limit for the confidence range of α = 0.13 ± 0.07.
As discussed in Sec. 2.2.4 there was more than one possible fitting model
for most of the events smaller than C2 (after background subtraction). Therefore, the set has been divided into events smaller and larger than C2, and an
independent regression has been made for both parts. The non-thermal flux
of both sets ranges over 4 orders of magnitude and their spectral index ranges
from 2.3 up to 8.3. The regression of the low GOES-class flares leads to a
relation
−0.16
γ = 2.04F35
,
(2.5)
with confidence range 0.16±0.05 for the exponent. These flares are indicated
with a triangle in Fig. 2.2. When taking only the events larger than C2, the
relation becomes
−0.16
γ = 3.60F35
,
(2.6)
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Figure 2.2: Spectral index γ versus RHESSI non-thermal photon flux at
35 keV, F35 . The solid line represents the linear bisector regression, given in
Eq.(2.4). Flares with GOES class smaller than C2 are indicated with a triangle, those larger than C2 with a circle. The points outlined by a square are the
events which where fitted with a broken power-law. The dotted line represents
the regression for events larger than C2, and the dashed line represents the
regression for events smaller than C2. Events in the shaded region would not
appear in the flare list and would not be selected. The numbers refer to the
event list in Table 2.1. These events are discussed in section 2.3.4.
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Figure 2.3: Spectral index (γ) versus non-thermal photon flux at 35 keV for
several sub-peaks of a single flare. The dashed line represents the regression
line (Eq. 2.7).
with confidence range 0.16±0.06 for the exponent. Both sets of flares thus
yield the same slope in logarithmic F35 vs. γ dependence. For the flares larger
than C2 however, the regression line is shifted to higher F35 values by about
one order of magnitude (compare Fig. 2.2). This leads to a flatter slope, when
the regression is performed for the whole data set.
We are interested in the difference between small and large flares and
whether their non-thermal parameters have something in common with the
parameters of several sub-peaks of one single flare. Therefore, the same plot
and regression has been made for sub-peaks of one of the flares that have been
analyzed by GB04 (event no. 23 in their list, not present in our list). This
plot is shown in Fig. 2.3. The relation is
−0.17
γ = 3.89F35
,

(2.7)

and the confidence range for the exponent α = 0.17 ± 0.01. The relation
between γ and F35 is quite similar for several peaks of one flare as for many
flares of different size at time of maximum non-thermal emission. Note that
the maximum non-thermal sub-peak flux of the inspected flare (GOES M4.9)
ranges from 10−1 to 101 photons s−1 cm−2 keV−1 and therefore represents only
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a small section of the flux range of all flares in the presented sample. The
observed power-law component (Eq. 2.7) is, however, very close to the relation
for only events with GOES class larger than C2.
Observational limits
As mentioned in Sect. 2.2.1 there is a selection effect due to the nature of the
flare list (only events with emission above background in the 12–25 keV band
are listed). We made an estimate on how the γ vs. F35 relation is influenced
by this selection effect.
The idea is to simulate count spectra and find limits for F35 and γ for
which the total number of counts in the 12–25 keV energy range is larger
than 3σ of the background. The spectral response matrix (SRM) without
attenuators has been used. The average background in counts s−1 in the
12–25 keV energy band was estimated from the light curve. Photon spectra
have been calculated, assuming a thermal component and an unbroken powerlaw. The temperature and emission measure were assumed according to the
relations given in Eqs. (2.9) and (2.10). The low energy turnover was fixed at
9 keV. The photon spectra have been calculated for several values of spectral
index γ from the interval [2,10] for a number of non-thermal fluxes F35 from the
interval [10−5 , 10−2 ] photons s−1 cm−2 keV−1 . Each of these photon spectra
has been multiplied by the SRM to get count spectra. For each flux F35 and
spectral index γ in the above given intervals, the total number of counts in the
energy range 12–25 keV has been calculated and compared to the background
counts. For every F35 there exists a limit in γ where the total simulated counts
are less than 3σ of the background counts. These boundaries plotted in the
γ vs. F35 relation define a region (shaded region in Fig. 2.2) where events do
not appear in the flare list.
From the location of the observational limits and the data points on the
plot, one can expect the selection effect to be largest for soft events with a small
non-thermal flux. If such events are missing in our selection, the regression
line would be flatter in reality.
Energy of ’equal photon flux’ ?
As weaker flares are softer, there must be a region where spectra of weak
and strong flares intersect. A ’pivot region’ is sometimes found for the SHS
evolution of single subpeaks (see Introduction). Similarly, an energy Eeq or an
energy range may exist where small and large flares have equal non-thermal
photon flux Feq .
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We have searched for an ’energy of equal photon flux’ by calculating the
energy distribution of all intersections between the non-thermal power-law
fittings. The half width is extremely broad, ranging from 2.1 to 52 keV with
a peak at 10.4 keV.
High-energy break
As mentioned before, 15 spectra have been fitted with a high-energy break.
These events are indicated with a square in Fig. 2.2. The non-thermal flux
F35 of all these events is higher than 4 · 10−2 photons s−1 cm−2 keV−1 . Thus
high-energy breaks are observed only in large flares.
The break energy does not correlate with the spectral index. However a
correlation appears between the spectral index below break energy (γ) and the
spectral index above break energy (β) following a relation β = (1.96±0.20)γ −
1.59. A similar relation has previously been reported by Lin & Schwartz
(1987). Further, we observed a correlation between the break energy and the
non-thermal photon flux at 35 keV, indicating that flares with smaller nonthermal flux have on the average a lower break energy. Such a comparison has
previously been made by Dulk et al. (1992), who found no correlation between
break energy and non-thermal flux.
However, we were not able to exclude without doubt selection effects that
could lead to these correlations (see also discussion in Sect. 2.4).

2.3.2

Thermal flare properties compared to
non-thermal properties

In a next step the soft X-ray flux observed by the GOES satellites was included in the analysis. The GOES flux of all flares at time of maximum
emission (GOES peak time) in the 1–8 Å band has been extracted. For a
proper analysis, the background was subtracted. The background was chosen in GOES light curves as either linearly interpolated between pre-flare and
post-flare background or as constant. Subtracting background changes the
GOES class contrary to the usual classification. When referring to the size of
a flare, the GOES class according to peak flux without background subtraction
is given throughout this work. For comparing physical parameters, however,
the background-subtracted values have been used.
First, the non-thermal flux F35 has been compared to the maximum GOES
flux, FG . There is a linear correlation in a double logarithmic plot, presented
in Fig. 2.4, giving:
0.83
FG = 1.8 · 10−5 F35
,
(2.8)
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Figure 2.4: Soft X-ray flux FG versus non-thermal flux F35 at 35 keV with
regression line, as given in Eq. (2.8).
where the exponent b = 0.83 ± 0.19. FG is in units of Wm−2 and F35 in
photons s−1 cm−2 keV−1 .
As F35 vs. γ and F35 vs. FG correlate, one must expect a correlation
between FG and γ. Figure 2.5 illustrates that this is not the case. From the
α and F = CF d one can calculate an expected relation
relations γ = AF35
G
35
α/d
−α/d
γ = AC
FG , giving γ = 0.53FG−0.16 , represented by the dashed line. As
expected, the flares with small F35 are in the upper left corner and the ones
with large F35 in the bottom right. However, the scatter in γ is so large that
the correlation is statistically not significant.
We compared also the temperature T1 and emission measure EM1 of the
thermal plasma derived from RHESSI data, to the non-thermal X-ray flux
at 35 keV. Figure 2.6 indicates a correlation between temperature and nonthermal flux with a relation
T1 = 1.46 ln F35 + 21.57,

(2.9)

where T1 is in units of 106 K and F35 in photons s−1 cm−2 keV−1 .
A higher non-thermal flux is therefore associated with a higher temperature. A similar observation holds for the relation between F35 and the emission
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Figure 2.5: Spectral index γ versus soft X-ray flux FG . The data points
have been labeled with 3 different symbols according to 3 flux intervals in F35
(units: photons s−1 cm−2 keV−1 ). Triangles: F35 in the interval [10−5 ,10−2 ];
squares: F35 in the interval [10−2 ,100 ]; circles: F35 in the interval [100 ,102 ].
The dashed line is the expected trend-line from the correlations of γ vs. F35 ,
and FG vs. F35 .
measure (Fig. 2.7).
0.91
EM1 = 5 · 1048 F35
,

(2.10)

with EM1 in cm−3 .

2.3.3

Thermal flare plasma

Similar to the investigations by Feldman et al. (1996), we also compared the
temperature T1 at hard X-ray peak time to the maximum soft X-ray flux FG .
We note a correlation in Fig. 2.8, giving
FG = 3.5 · 100.33T1 −12 ,

(2.11)

where FG is in Wm−2 , plotted in a logarithmic scale, and T1 is in units of
106 K, plotted in linear scale. Due to the large scatter, the power factor p in
Eq. (2.11) has a confidence range of p=0.33 ± 0.29. The Feldman et al. result
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Figure 2.6: RHESSI temperature T1 versus non-thermal flux at 35 keV with
linear bisector regression line (Eq. 2.9). The numbers refer to the event list in
Table 2.1.
(F (T ) = 3.5 · 100.185T −9.0 ) differs considerably, as is illustrated in Fig. 2.8.
It is though still within the estimated range for the regression parameters.
Contrary to Feldman et al., we used background subtracted GOES flux. The
background-subtraction from the GOES data has the biggest influence on the
smaller flares, altering the flux to smaller values and extending the flux range
one order of magnitude. Using the original, not background subtracted GOES
data, we get FG = 1.7 · 100.25T1 −10 .
Comparison of temperatures
From the flux ratio in the 2 GOES wavelength bands, one can calculate an
isothermal temperature TG at the time of maximum soft X-ray flux, using
Mewe spectral models (Mewe et al. 1985). As the minimum energies of the
two bands are 1.5 keV and 3.1 keV respectively, GOES measurements are
dominated by photons at lower energy than used to determine the temperature from RHESSI data (≥4 keV). A comparison of the two measurements is
also a check on the applied methods: flux ratio (GOES, at soft X-ray peak
time) versus spectral fitting (RHESSI, at hard X-ray peak time). Figure 2.9
indicates that the temperature derived from RHESSI data is often higher. A

2.3. Results

41

Figure 2.7: Emission measure EM1 versus non-thermal flux at 35 keV. The
dashed line indicates the linear bisector regression line (Eq. 2.10). The numbers refer to the event list in Table 2.1.

linear bisector regression yields a relation T1 = 1.31TG + 1.47 (in MK), but is
influenced by the three outliers. Without the outliers, the relation would be
T1 = 1.12TG + 3.12.
The emission measure derived from the GOES data is higher than that
from the RHESSI data for 82 out of 85 events. The ratio EM1 /EMG increases for larger events. On the average, EM1 ≈ 0.1EMG . Most likely, the
RHESSI measurements emphasize the hotter part of a non-isothermal temperature distribution in the soft X-ray source. Part of these trends could also
be accounted for by the different times of measurements, as the hard X-ray
peak usually occurs earlier in the course of a flare than the soft X-ray peak.
Taking the GOES temperature at the same time as the RHESSI temperature
leads indeed to a relation with less pronounced trend: T1 = 1.13TG + 3.17, but
the RHESSI temperature is still higher than the GOES temperature in most
cases (Fig. 2.9).
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Figure 2.8: Maximum soft X-ray flux versus temperature. The dashed line
gives the linear bisector regression to the data (Eq. 2.11). The dotted line is
the trend line calculated from the Feldman et al. result (Eq. 2.1).

2.3.4

Inspection of exceptional flares

In most of the presented plots there are a few events far from the overall trend
line. The most striking ones have been numbered according to Table 2.1 and
are shortly discussed here.
No. 40 and 84 have very hard spectral indices, no. 84 has the hardest
γ in our data set. Its spectrogram shows short, impulsive emission up to over
30 keV.
No. 42, 50 and 85 have very high temperatures. The spectrograms of
all three events indicate a very short, impulsive, non-thermal peak with emission over 30 keV.
No. 79 has a small emission measure of only 9.3 · 1044 cm−3 . The temperature of 16.9 MK is rather high for a flare of this size. Again, the flare is
very short and impulsive.
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Figure 2.9: Temperature measured by RHESSI (T1 ) compared to GOES
temperature (TG ). The dotted line indicates the diagonal line. Crosses indicate the GOES temperature at GOES peak time, the dashed line gives the
corresponding regression line. Dots give the GOES temperature measured at
the same time as the RHESSI temperature with the solid line as regression
line.
The common characteristic of all these flares is the short duration of the
non-thermal emission.

2.4

Discussion

The high spectral resolution of RHESSI’s germanium detectors permits the
separation of a non-thermal and one or two thermal components in most Xray spectra of solar flares over a large range of flare sizes. The selection was
made according to the usual definition of flare size in terms of peak soft Xray flux (labeled B1 to M6) as measured by the GOES 1 - 8 Å channel. It
remains nearly uniform in soft X-ray peak flux after background subtraction
but extends one more order of magnitude to smaller flares (A1 to M6).
The analysis of the non-thermal emission shows a clear relation between
the spectral index γ and the power-law normalization F35 at peak time. The
correlation between γ and F35 can be expressed by a power-law. We note
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that the quantitative relation is not identical to the relation found for the
SHS behavior in subpeaks of events. The spectral index γ depends less on
F35 , and the power-law exponent α is smaller (Eq. 2.4). The two exponents α
for the temporal evolution of single flares and the peak values of many flares
can be brought closer together when we accept that the flares smaller in soft
X-rays (and GOES class) are generally deficient in F35 , relative to the F35 vs.
γ relation found by GB04. Soft events with small hard X-ray flux are missing
by selection. This could lead to a flatter relation in reality.
Further, it may well be possible that the power-law relation does not hold
below F35 ≈ 10−5 photons s−1 cm−2 keV−1 , but flattens toward a constant
value of γ.
The selection according to thermal flare properties aims also at a large
range of non-thermal X-ray fluxes. They range from 10−4 to 10 photons
s−1 cm−2 keV−1 at 35 keV (F35 , see Fig. 2.2), with a relatively uniform distribution between 10−3 and 1 photons s−1 cm−2 keV−1 . The non-thermal flux
distribution depends on the reference energy. At lower reference energy, in the
range of the ’equal photon flux’, the distribution becomes narrower.
A selection effect comes in when the comparison includes parameters of the
thermal plasma, since among small flares events with high non-thermal flux
have been preferentially selected. The relations shown in Figs. 2.4 and 2.5
may be affected by selection. In Fig. 2.4 small soft X-ray events with low F35
are missing, particularly in the interval [10−5 ,10−3 ] F35 and [10−8 ,10−7 ] FG .
Thus the regression line may be slightly flatter and the exponent in Eq. (2.8)
smaller. The trend for larger scatter in F35 for smaller flares may thus be
even larger than visible in Fig. 2.4. In Fig. 2.5 small soft X-ray events with
large γ (upper left corner) are missing. This may contribute to the absence of
significant correlation between γ and soft X-ray flux. Note, however, that the
three intervals of non-thermal flux line up along the expected correlation line
with a large scatter below and above the line. Nevertheless, it remains a fact
that one cannot predict the spectral index at peak non-thermal emission from
the soft X-ray flux.
Different selection effects have already been mentioned in relation with
the break energy of the non-thermal spectrum at high energies, visible only
in large flares (high F35 ) and low γ. We further note that using the spectral
index above the break energy, β and its corresponding flux normalization at
35 keV worsens the correlation.
It may be added here also that the low-energy turnover Eturn seemingly
correlates with F35 and even better with FG . The latter and the fact that Eturn
is usually close to the energy with equal thermal and non-thermal contributions
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strongly point to a spurious effect (see also Saint-Hilaire & Benz Saint-Hilaire
& Benz (2005)). It does not influence significantly the relations discussed
above.
The temperature changes only slightly (from about 5 MK to 30 MK) over
4 magnitudes of FGOES but there is a linear dependence between FGOES and
EM1 . Therefore, the similarity of Figs. 5 and 8 is not surprising. In fact,
the two exponents in Eqs. (2.8) and (2.10) are identical within the statistical
uncertainty. However, it is surprising that the correlation does not improve
from FG vs. F35 to EM1 vs. F35 , as EM1 is determined simultaneously
and at the peak of F35 and does not contain the temperature, whereas FG
is determined at the peak of the soft X-ray emission later in the flare. FG
correlates well with EM1
FG = 3.6 · 10−50 EM10.92 ,

(2.12)

with EM1 in cm−3 and FG in Wm−2 , and b = 0.92 ± 0.09. The exponent
b is not significantly below unity. Such a trend may arise from the reduced
efficiency for thermal emission at high temperatures of large flares, or may be
due to larger energy losses because of longer duration.
The correlation between the temperature and soft X-ray emission of the
thermal plasma (Fig. 2.8) is steeper than previously reported by Feldman
et al. (1996) see Eq. (2.1)). Part of the difference can be accounted for by our
subtraction of the background, increasing the range of peak fluxes. On the
other hand, Feldman et al. used temperatures from the Yohkoh BCS detectors.
These detectors saturate at high fluxes. Therefore the correlation found by
Feldman et al. may be even flatter. As already mentioned in Sect. 2.3.3
RHESSI might measure the hotter part of a non-isothermal plasma, whereas
GOES sees a cooler part.
Finally, none of the investigations on the flare position on the disk showed
a significant effect. The distributions of γ, F35 , and Ebr are independent of
radial distance from the center of the disk. Events with position offset larger
than 950 arcsec from the sun center have been looked at separately. They
show no significant pattern on the γ vs. F35 plot. This excludes an influence
of the varying albedo of the X-ray emission scattered by the chromosphere on
the above results.
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Summary and Conclusions

Flares observed by RHESSI were selected from a wide range of GOES flare
size. The selection was nearly uniform from B1 to M6 (corresponding to flares
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between A1 to M6 after background subtraction). Out of 92 flares with a
well defined spectrum at peak time, 85 events can be fitted by a thermal and
a non-thermal component. Only 6 events (7%) had only thermal emission,
one had only a non-thermal component. The fitted flux at 35 keV at the peak
time of the non-thermal emission in 85 flares ranges over more than 5 orders of
magnitude (Fig. 2.2). This greatly exceeds the range that has been analyzed
in the temporal SHS evolution of a single subpeak (Fig. 2.3) and even in
all combined subpeaks in the literature (GB04). A power-law index could be
reliably determined from a minimum value of 2.3 up to a maximum of 8.3.
The main conclusion based on this study is that the spectral index γ at
peak non-thermal emission of flares, as well as at subpeaks of a single flare
correlate. Thus flares with small non-thermal flux are softer on the average.
This makes them even more difficult to detect in high-energy X-ray emission.
Eventually, the non-thermal emission becomes indistinguishable from thermal
emission, although it represents possibly a larger amount of energy.
We have studied further the relations between non-thermal flux, spectral
index, soft X-ray flux, temperature, and emission measure with the following
results:
• The spectral index, γ, and the peak non-thermal flux at 35 keV, F35 ,
correlate linearly in a double logarithmic plot, similar to the time evolution of γ and F35 during one single flare or subpeak.
• Small soft X-ray emitting flares have a lower F35 by nearly an order of
magnitude from the relation derived earlier. They also show a larger
spread in F35 .
• Soft X-ray flux and non-thermal flux at 35 keV are correlated, indicating that flares with larger non-thermal emission have larger thermal
emission.
• Although soft X-ray flux and non-thermal flux are correlated, as well as
spectral index and non-thermal flux, there is no significant correlation
between spectral index and soft X-ray flux (GOES class). Probable
reasons are the large scatter in γ and a selection effect.
• Temperature and emission measure of the thermal plasma both correlate
with non-thermal flux, indicating that flares with large non-thermal flux
have a higher temperature and emission measure.
• A comparison of soft X-ray flux and temperature yields a correlation also
seen in previous work, but with slightly different relation due partially
to background subtraction.
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That the temperature is higher in large flares is the property of the thermal
flare plasma, thought to be heated by precipitating particles, thus a secondary
product of energy release. It may be explained by the repeated impact of
electrons accelerated in elementary flares, the larger the flare, the more such
impacts and the hotter the target. The γ vs. F35 relation, however, concerns
the non-thermal electron population thought to be a primary flare product.
As it applies to different flares and not only to the temporal evolution in a
flare, it cannot be a secondary phenomenon. Thus it is an intrinsic feature of
the acceleration process. Its quantitative relation must be accounted for by a
realistic acceleration theory.
Lower F35 being associated with larger γ affect the frequency distribution
of flare energies. If the energy or peak flux of non-thermal electrons is determined well above the mean energy of ’equal photon flux’ (10.4 keV), flares with
low non-thermal flux are lost in the background. For RHESSI observations,
this affects the selection for GOES classes smaller than about C2 (Fig. 2.2).
The frequencies of hard X-ray flares are reported to have power-law distributions (eg. Hudson 1991). If soft small flares have been missed, the published
power-law indices must be considered as lower limits.
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Chapter 3

Relations between concurrent hard
X-ray sources in solar flares ∗
M. Battaglia

1

and A. O. Benz1

Abstract
Context. Solar flares release a large fraction of their energy into non-thermal
electrons, but it is not clear where and how. Bremsstrahlung X-rays are observed from the corona and chromosphere.
Aims. We aim to characterize the acceleration process by the coronal source
and its leakage toward the footpoints in the chromosphere. The relations between the sources reflect the geometry and constrict the configuration of the
flare.
Methods. We studied solar flares of GOES class larger than M1 with three
or more hard X-ray sources observed simultaneously in the course of the flare.
The events were observed with the X-ray satellite RHESSI from February
2002 until July 2005. We used imaging spectroscopy methods to determine
the spectral evolution of each source in each event. The images of all of the
five events show two sources visible only at high energies (footpoints) and one
source only visible at low energies (coronal or looptop source, in two cases
situated over the limb).
Results. We find soft-hard-soft behavior in both, coronal source and footpoints. The coronal source is nearly always softer than the footpoints. The
footpoint spectra differ significantly only in one event out of five.
Conclusions. The observations are consistent with acceleration in the coronal
source and an intricate connection between the corona and chromosphere.
∗
1
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Introduction

The current understanding of solar flares leaves open fundamental questions
such as: where is flare energy released, how are particles accelerated? A
large part of the energy released in a solar flare is converted into energetic
electrons emitting hard X-rays. Therefore, observations in X-ray wavelengths
give quantitative measures of heating and particle acceleration in the flare.
X-ray observations by Hoyng et al. (1981) showed hard X-ray (HXR) sources
at both ends of a loop structure, commonly called footpoints. They are thick
target bremsstrahlung emission produced by precipitating electrons, accelerated somewhere in the loop. Footpoints can also be seen in Hα and EUV
(eg. Gallagher et al. 2000; Fletcher et al. 2004), indicating the precipitation of
flare particles and the reaction of the thermal plasma. In an event observed by
Yohkoh, Masuda et al. (1994) first noted a third HXR source situated above
the looptop (looptop or coronal source). Alexander & Metcalf (1997) analyzed
this event carefully, concluding that the loop top source can be best described
by a thermal component and a non-thermal component which is harder than
the footpoint spectrum. Petrosian et al. (2002) made an extended study of
looptop sources and footpoints in Yohkoh-events. They find that the spectral
index of the looptop source is softer than the footpoints on the average by
about 1. The accuracy of their spectra however, was limited by the energy
resolution of the Yohkoh detectors.
An important observation about the time behavior of the HXR flux has
already been made in the late 1960s by Parks & Winckler (1969) and Kane &
Anderson (1970). They found that the hardness of a spectrum changes in time
and that there exists a correlation between the HXR flux and the hardness of
the spectrum (soft-hard-soft or SHS). These observations were later confirmed
by several authors, (eg. Benz 1977; Brown & Loran 1985; Lin & Schwartz 1987;
Fletcher & Hudson 2002; Hudson & Fárnı́k 2002). Beside the SHS pattern, a
soft-hard-harder (SHH) pattern has also been observed in some events (Frost
& Dennis 1971; Cliver et al. 1986; Kiplinger 1995). A quantitative study of 24
solar flares observed by RHESSI on this subject has been made by Grigis &
Benz (2004). They find that elementary flare bursts also show SHS. Battaglia
et al. (2005) made a study of flares of different size, finding that events with
smaller HXR flux are softer on the average and that the relation between HXR
flux and spectral index at peak time of events of different size is the same as
the one from several peaks of one event.
Is the SHS-behavior a feature of the acceleration mechanism as previously claimed? Or is it a transport effect produced by collisions or return
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currents? A further possibility could be a change in the dominating X-ray
source from the coronal source (soft) to the footpoints (hard) and back to the
coronal source again (soft). Thus, is the SHS-behavior nothing but a coronalfootpoint-coronal effect? The previous studies have been made using full sun
spectra. To investigate the cause of the SHS, the spectra of each source must
be analyzed separately. The Ramaty High Energy Solar Spectroscopic Imager
(RHESSI Lin et al. 2002) provides the possibility of making high resolution
imaging spectroscopy at different locations on the sun. One can therefore
study each source separately in events with several contemporaneous HXRsources. The high energy resolution yields detailed spectra, allowing a reliable differentiation between thermal and non-thermal emission. Emslie et al.
(2003) made an analysis of a very large event with 4 HXR-sources observed by
RHESSI. They find a coronal source with a strong thermal component and two
(at times three) footpoints in regions with opposite magnetic polarity. They
report that the spectral indices of the footpoints differ notably and accredit
this to collisional losses by different column densities in the loop connecting
the footpoints to the coronal source.
The purpose of this work is a systematic study of the relation between
coronal source and footpoints in time and spectra for several well observed
events. The events were carefully selected, not necessarily the largest ones,
but those with informative data concerning both, thermal and non-thermal
source parameters. The RHESSI data has been searched for well separated,
bright events without strong pileup, situated near the limb. We present here
the results for the best observed events of the first 40 months since launch.

3.2

Observations, Event Selection and
Spectroscopy

The X-ray satellite RHESSI has been observing the full sun since February
2002. Modulation of the X-ray flux by rotating grids provides image information for any region on the sun (Hurford et al. 2002). High resolution germanium detectors (energy resolution ∼ 1 keV) allow detailed studies of X-ray
flare-spectra (Smith et al. 2002). In Sect. 3.2.1 we describe how events were
selected. The image processing and spectral analysis methods are presented
in Sect. 3.2.2 along with some investigations of the best choice of imaging
algorithm, source regions etc.

52

Chapter 3. Relations between HXR sources

Table 3.1: List of analyzed events. The times give the range during which
the analysis was made (times with strong emission from all three sources).

Date
4-Dec-2002
24-Oct-2003
1-Nov-2003
13-Jul-2005
30-Jul-2005

3.2.1

Time
GOES class
22:42-22:53
M2.7
02:42-03:00
M7.7
22:24-22:40
M3.3
14:12-14:25
M5.1
06:28-06:36
X1.3

Event selection

The selection was made using imaging spectroscopy quicklooks provided by
the RHESSI Experimental Data Center (HEDC Saint-Hilaire et al. 2002).
Events are required to have 3 sources observed simultaneously during at least
1 minute in the course of the flare. The sources may not all be visible in
the same image of a particular energy range. The search was restricted to
events larger than GOES class M1 in order to have large enough count rates.
Further, the three sources ought to be well separated to avoid contamination
of spectra in imaging spectroscopy by other sources. For this reason, we
required a minimum offset of 700 arcsec from sun center to exclude events
with projection of the coronal source onto the footpoints. Events with strong
particle precipitation and detector livetime (uncorrected monitor rates) below
90% were discarded. This lead to a final sample of 5 flares. Table 3.1 gives an
overview of the selected events.
Images of the events at 34-38 keV (representative for emission by nonthermal electrons) are presented in Fig. 3.1. The 60 and 80 % contours at
energies 10-12 keV (dominated by thermal emission) are overplotted. The
regions of interest for the spectrum calculation are given in grey. The fragmented shape of the coronal source of the Oct. 24th 2003 event can be partly
accounted for by over-resolution, as the source is slightly more compact in
images without detector 3.

3.2.2

Imaging spectroscopy

In this section we discuss some technical aspects of the analysis concerning
imaging spectroscopy as well as some issues that have to be considered like
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Figure 3.1: Clean images (using detectors 3-8) of each event in the 34-38 keV
energy range. The 60 and 80 % contours at energies 10-12 keV (white) and
the regions of interest (grey) are given. The footpoints have been arbitrarily
numbered (1 & 2). The solar limb is indicated where in the field of view.
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source separation and pileup.
Imaging algorithm
Clean, Forward-Fitting and Pixon algorithms (Hurford et al. 2002) have been
tested for image reconstruction. Clean was used for the actual imaging spectroscopy for the following reasons. Forward-Fitting works fine as long as the
sources in an image are equally strong, but has difficulties as soon as there are
background regions that are almost as strong as a source. With the defined
time and energy bins for imaging spectroscopy, this frequently occurs in high
or the lowest energy bands, at any time interval, in which case Forward-Fitting
produces spurious results. Pixon yields generally a better spatial separation
of the sources than Clean. However, it needs more fine-tuning of the input
imaging parameters to be as stable as Clean for low signal to noise ratios.
In an extended series of tests, Clean turned out to be the most efficient and
reliable algorithm for the automatic image generation of long time series for
imaging spectroscopy.
Therefore, the Clean algorithm was applied, using detectors 3-8. Detector 2 over-resolves the sources, just increasing noise. The angular resolution
without detector 3 becomes too small to separate the sources properly for all
events except the one of July 13th 2005. The time bins were chosen from 12 s
to 120 s, depending on the source intensities, to get good images and enough
counts for reliable spectra. A pseudo-logarithmic energy binning was used.
Computation of spectra
The imaging spectroscopy tools implemented in OSPEX (a further development of SPEX (Schwartz 1996; Smith et al. 2002) have been used for the
determination of the regions of interest (ROI) and for the calculation of the
spectra. ROIs can be delimited by polygons or circles around the sources, as
selected by the user. Ideally, one would select a ROI as contour in percentage
of the maximum of a source. As sources move in time and often have different
sizes in different energy-bands, this could not be done reasonably. Therefore,
ROIs were selected as circles or polygons in each time interval, having the
same size in all energies. The ROIs for the footpoints were defined at energies
larger than 40 keV such as to include all of the source emission. The ROIs
of the coronal source was selected at an energy around 10 keV likewise. The
effects of this method of ROI selection are discussed in the last paragraph of
this section and shown in Fig. 3.3.
The attained spectra were fitted with a non-thermal power law at high
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Figure 3.2: Spectra of footpoints and coronal source for the time interval
14:16:48-14:17:36 of the event of July 13th 2005. The energy range for the
spectral fitting is indicated by the dotted lines. The thin solid line gives an
estimate for the noise level (see Sect. 3.2.2).

energies and a thermal component at low energies, where this was possible.
Some of the footpoints did not have any flare emission at lower energies i.e.
no measurable thermal emission. In this case only a power law was fitted to
the energy range in which the flare emission was stronger than the noise level.
Figure 3.2 shows the spectra of the footpoints (fp 1 & 2, left and middle) and the coronal source (cs, right) for the time interval between 14:16:4814:17:36 of the July 13th 2005 event. The fitted power-law and thermal components are also presented in Fig. 3.2. For each time interval and each source,
we made an estimate of the noise level in the Clean images. A spectrum from
a large part in the image that had not been assigned to a source has been
calculated and normalized for the area of the individual source ROIs. The
result is indicated by the thin lines in Fig. 3.2. This method will probably
overestimate the actual noise, but can be used as a rough guide for the determination of the trustworthy energy intervals for the fitting (indicated by the
dashed lines in Fig. 3.2).
The influences of the source delimitation and detector selection have been
studied extensively. For the event of July 13th 2005, tests have been made
with differently defined ROIs, and with images with and without detector 3.
Finally, a series of images with natural instead of uniform detector-weighting
has been compared. Natural weighting gives the same weight to each subcollimator, opposed to uniform weighting where the collimators are weighted
inversely proportional to their resolution, therefore giving the finer grids more
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Figure 3.3: Time evolution of spectral index γ of footpoints (top and middle)
and coronal source (bottom) for different choices of detectors and regions of
interest. Solid : full sun; dotted : with detector 3; dot-dashed : without detector
3, same ROIs as dotted; dashed : without detector 3, different ROIs; long
dashes: images with natural weighting of detectors.
weight. Figure 3.3 shows the time evolution of the spectral index γ, fitted
to spectra calculated for different choices of regions, detectors and weighting.
The time evolution of the spectral index of full-sun spectra in the same time
bins has been given for comparison. Four different cases were studied. Images
with detector 3, different ROIs around the same sources, and images without
detector three using the same ROIs as in the case with detector 3, as well
as images with natural detector weighting. From the time evolution of γ one
can see that the differences are small for the footpoints. The quantitative
differences for the coronal source are somewhat larger. They may be used
for an estimate on the error range of the spectral fittings. Note further that
the non-thermal component of the full-sun spectrum is mostly due to foot-
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point emission. The coronal source causes a small shift toward softer spectral
indices, as expected.
The qualitative behavior of the time evolution and the conclusions drawn
from it do not change for the different approaches.

Source separation
The major problem encountered in the event selection was the sufficient separation of the sources. Many nice events had to be discarded because footpoints
and coronal source overlap. The separation can be improved to a certain extent by optimizing parameters in the image reconstruction, but in the end one
is limited by the flare morphology. Usually the footpoints are distinct and well
defined. If any of the ROI’s defined as described in section 3.2.2 overlapped,
the event was not selected. In the event of Nov. 1st 2003 (Fig. 3.1c) the ROIs
come close, as the coronal source is embedded in a loop, visible at 10 keV,
that extends nearly all the way to the footpoints. In this situation, the spectrum of the non-thermal component of the coronal source may be influenced
by the emission of the footpoints. A similar case is the event of Dec. 4th 2002
(Fig. 3.1a). The source separation in the other three events seems clearly big
enough to exclude an influence on each other.
Pileup
Although the flares in our sample are not the largest ones and events with
detector livetime (uncorrected monitor rates) below 90% had been discarded
in the selection, one still has to consider the possibility of pileup (Smith et al.
2002) in certain time intervals. It does not play a substantial role in the
footpoints as they are observed and fitted above the energies where pileup
is worst. However, the non-thermal part of the coronal source is observed
at energies where pileup might cause problems. We tested the importance
of pileup in our events, using the hsi pileup check routine. This routine
calculates the corrected (counter) livetime, the effective pileup counts and
the relation between corrected and uncorrected count spectra. Further, we
examined images for a ”ghost”-source at the position of the coronal source
at higher energies. Further, we compared the time evolution of pileup flux
to the time evolution of the coronal source flux at the same energy (25 keV
for attenuator state 1). The event of July 30th 2005 has attenuator state 3
throughout the observed time interval and shows no sign of significant pileup.
In some of the other events (all attenuator state 1), pileup is a concern. For

58

Chapter 3. Relations between HXR sources

Table 3.2: Mean difference in spectral index γ between footpoints and between coronal source and footpoints for all events in which it could be determined. Pivot energy Epiv for all sources and all events (where determinable).
Temperatures derived from full sun spectra.
Date
4-Dec-2002
24-Oct-2003
1-Nov-2003
13-Jul-2005
30-Jul-2005
Date
4-Dec-2002
24-Oct-2003
1-Nov-2003
13-Jul-2005
30-Jul-2005

γfp1 − γfp2
-0.53 ± 0.20
0.33 ± 0.04
-0.095 ± 0.093
0.13 ± 0.07
0.13 ± 0.07
Epiv
fp1
13.74±0.41
14.68±1.14
-

γcs − γfp1
1.22 ± 0.20
2.43 ± 0.22
0.72 ± 0.16
3.55 ± 0.13
1.15 ± 0.38
Epiv
fp2
14.97±0.63
14.00±1.33
-

γcs − γfp2
0.68 ± 0.15
3.07 ± 0.27
0.59 ± 0.24
3.68 ± 0.14
1.12 ± 0.41
Epiv
cs
18.12±0.25
22.74±2.99
15.90±2.36
23.92±2.37

Temperature (MK)
18.30 ± 1.68
22.51 ± 0.05
20.65 ± 1.99
24.95 ± 1.07
24.85 ± 0.31

some times during the event of Nov. 1st and the end of Oct. 24th 2003, more
than about 50 % of the observed coronal HXR emission in the range between
20 and 30 keV has to be accounted for by pileup. These times were not used
in the further analysis (missing data in Fig. 3.4).

3.3
3.3.1

Results
Soft-Hard-Soft (SHS)

First we present the study of the SHS-behavior of individual sources.
For 4 events, the RHESSI full-sun count lightcurves in the energy-bands
3-12 keV, 25-50 keV and 50-100 keV are shown in Fig 3.4. The time evolution
of the fitted non-thermal flux at 35 keV (F35 ) and the spectral index γ are
plotted for each source. The variation in flux of the July 30th 2005 event (not
shown in Fig. 3.4). F35 of the footpoints correlates well with the total count
flux in the 25-50 and 50-100 keV energy bands, indicating that the spectral
fits are plausible.
In all previous observations of SHS-behavior (see 3.1) the full sun spectrum
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Figure 3.4: Top: GOES low-channel lightcurve. The dashed lines mark the analyzed time intervals. Lower four panels: RHESSI full sun lightcurves in energy-bands
25-50 keV and 50-100 keV, overplotted is the time binning used for imaging spectroscopy (dashed lines); time evolution of spectral index (γ, crosses) and non-thermal
flux at 35 keV (F35 [photons s−1 cm−2 keV −1 ], stars) for footpoints 1& 2 and coronal
source (bottom panel). The times between 22:34:30 and 22:37 of the Nov. 1st 2003
event had to be neglected for the coronal source because of pileup.
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has been analyzed. As previous measurements were made at relatively high
energies to avoid a contribution of the thermal component, they predominantly
refer to the footpoints. For the first time, it has become possible to study the
temporal evolution of the non-thermal component of the coronal source.
In all events the coronal source varies clearly according to SHS (Fig. 3.4).
Three out of five events also show a more or less pronounced SHS-behavior in
the footpoints, although there are times when the pattern is not very clear,
or flux and spectral hardness anti-correlate. The events of Nov. 1st 2003 and
Dec. 4th 2002 show a clear SHS-behavior in all sources. For Oct. 24th 2003,
the variation in the flux is small without strong peaks. The event of July 13th
2005 is peculiar. There is an anti-correlation between flux (both, total count
flux as well as fitted flux) and spectral hardness in the footpoints.
Pivot point
The first notion of an invariable point in solar flare spectra was made by Gan
(1998). This point was termed pivot point and analyzed quantitatively for
the first time by Grigis & Benz (2004; 2005). The SHS-behavior, indicating
spectral hardening at large fluxes, suggests that the non-thermal spectra at
different times intersect at a fixed point in energy and flux. Grigis & Benz
(2004) noted that the intersections of all spectra in an event are within a
relatively small range of energies. Its average was termed pivot energy. We
applied the fitting method they describe in Grigis & Benz (2005) to determine
the pivot energy for each source. An example is shown in Fig. 3.5. The results
are given in Table 3.2. The physical significance of the pivot energy is not
clear. However, it may be useful to describe the SHS-behavior quantitatively
.
A pivot point could not be found for every source. If the variation in the
flux and spectral index is small, the power-law lines are nearly parallel in loglog, and the pivot point is not well defined or does not exist. For one of the
two cases where all pivot points could be determined, the pivot energy of the
coronal source is higher by 3-5 keV than the pivot energies of the footpoints
(see Table 2). In the other case, the three pivot energies are equal within
errors. In the two cases where only the pivot energies of the coronal sources
were found, the values even exceed 20 keV. All pivot energies for both, coronal
source and footpoints given in Table 2 are higher than the mean value of 9 keV
found by Grigis & Benz (2004) for full sun spectra. The main contribution of
non-thermal emission in full sun spectra originates from the footpoints. The
pivot energies of the footpoints reported in Table 2 are outside the range of the
half-power distribution of 6.5-12.5 keV reported by Grigis & Benz. However,
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Figure 3.5: Example for the determination of the pivot point (for footpoint
no.1 of Dec. 4th 2002). Top: flux and spectral index of all time intervals. The
locations for the flux and spectral index in the best fitting pivot point model
is shown dashed. Bottom: non-thermal power-law components for all time
intervals overplotted. The crossing point agrees with the pivot point found by
the above fit.
the deviation is statistically not significant.

3.3.2

Difference in spectra between sources of the
same event

Non-thermal spectra in the 20-50 keV range can usually be well approximated
by a power law (Fig. 3.2). The flux at a given energy and the spectral index
thus characterize the spectrum of a source. In this subsection the differences
between spectral indices of the coronal source and the footpoints, and between
the two footpoints of each event are investigated . The mean differences in γ
time-averaged over the event are given in Table 3.2.
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Relation of coronal γ to footpoint γ
The coronal source is softer than both footpoints in all events at nearly all
times (Fig. 4). The smallest mean difference of 0.59±0.24 was found for
the event of Nov. 1st 2003 for which there is a possibility of source overlap.
The maximum mean difference is 3.68±0.14 for the event of July 13th 2005.
Table 3.2 points out that γcs − γfp in the 3 well separated events is remarkably
larger than in the two more compact events. Note in particular, that the
difference between coronal source and footpoints often differs significantly from
2, the value expected from the difference between thick and thin target sources.
Nevertheless, the average over all mean differences is 1.82 with a standard
deviation of 1.52. The weighted average and mean error are 1.98 ± 0.42. This
finding does not agree with previous reports (Petrosian et al. 2002) based on
Yohkoh data. A possible explanation for the larger value is our selection of
spatially separated sources, avoiding overlap between them.

Differences between footpoints
Emslie et al. (2003) reported differences of 0.3-0.4 between the spectral indices
of the two stronger footpoints in their event. For the flares analyzed here, a
significant difference is found in only one out of five events, the Oct. 24th
2003 flare. For all other events, the mean difference in γfp is zero within the
statistical uncertainty.
Figure 3.6 shows the distributions of the differences in the spectral indices
of the non-thermal emission as measured in all time bins and all events. The
difference between coronal source and footpoint spectral index is almost always
larger than zero (Fig. 3.6, left). The question of the transition from footpoints
to coronal source will be addressed in section 3.3. The differences between
the footpoints are given in absolute values, as the footpoint numbering is
arbitrary. As expected from the observations of the individual events (Fig. 4),
the distribution peaks at zero.
Do the differences in spectral index change in the course of the flare?
Figure 3.7 displays the variations through the peak (at 02:48:30) and in the
decay phase. The difference between the footpoints’ spectral indices does not
vary within the statistical error as given by the OSPEX routine. However,
the γcs − γfp increases from peak to decay. This is caused by a considerable
softening of the coronal source in this time interval (Fig. 4b).
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Figure 3.6: Distributions of the differences in spectral index (γ) between
coronal source and both footpoints of all events at all time bins (left) and between footpoints only (right). For the differences between footpoints, absolute
values are shown.
Relation between intensity and area of footpoints in the Oct. 24th
2003 event
We compared the total flux of non-thermal photons in the 25-50 keV range
and within the 50 % contour for the two footpoints of the Oct. 24th 2003
event for the times where they were best observed.
We determined the footpoint flux from cleaned images using detectors 3-8
and with a pixel size of 0.5 in the 25-50 keV range within the 50% contour
(F50% ) and define the intensity f50% as ratio of flux divided by the area (A50% )
of the contour,
F
I50% = 50% ,
A50%
where the area of the clean beam has been subtracted. Figure 3.8 shows the
time evolution of F50% , the area A50% and the intensity I50% .
The total flux F50% correlates with the full sun count flux. Further, it
correlates with the fitted flux F35 (comp. Fig. 3.4), validating the applied
methods. The softer footpoint, no. 1, is always brighter than footpoint no. 2.
and is larger in area. The harder footpoint (no. 2) has the higher intensity
for most of the observed time.
Thermal emission of footpoints
The coronal source dominates at low energies in all selected events. Images at
low energies often do not show strong emission at the position of the footpoints.
Sometimes no fit to the thermal component of the footpoints was possible. As
demonstrated in Fig. 3.2, the noise level at low energies (few keV up to 10 keV)
reaches about a tenth of the emission of the coronal source.
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Figure 3.7: Time evolution of the difference between spectral indices of the
three sources for the event of Oct. 24th 2003
A rough overview on all times of all events yields the following statistics
on the thermal emission of the footpoints:
• One footpoint with measurable thermal emission during more than 50 %
of the time (fp no. 1 of the Dec. 4th 2002 event).
• Two footpoints with no measurable thermal emission at all times (fp
no.2 of the July 30th 2005 event and fp no. 2 of Oct. 24th 2003).
• All other footpoints show thermal emission in the spectrum for 20 % of
the time on the average.
A formal fitting has been performed at the defined regions of interest for the
undetected thermal footpoint emission in Fig. 3.2. The result corresponds
to the uncertainty level and yields an upper limit for the thermal footpoint
emission. The relations between the emission measure of the coronal source
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Figure 3.8: Time evolution of area of 50 % contour in the 25 - 50 keV
image, flux within contour in photons s−1 cm−2 and the intensity (flux/area)
of footpoints of Oct. 24th 2003 event. Crosses show footpoint no.1, asterisks
indicate footpoint no.2 as numbered in Fig. 1.
and the footpoints are
EMfp1
< 0.2
EMcs
and

EMfp2
< 0.1 .
EMcs

The fact that almost all of the footpoints studied here have a thermal spectrum
at some time and the well-known fact that flare observations at EUV wavelengths show thermal emission from the footpoints suggest that there may well
be thermal emission from footpoints all the time. In soft X-ray observations
by Yohkoh/SXT, such emission has been reported e.g. by McTiernan et al.
(1993) and Hudson et al. (1994). However, RHESSI can only observe it if the
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emission measure is at least 10 % of the coronal source and at a temperature
of several million Kelvin. Therefore, the thermal emission measured in full
sun spectra is predominantly emission of the coronal source. Table 3.2 gives
the average temperatures as fitted to full sun spectra. They are representative
for the temperature of the coronal source.

3.4
3.4.1

Discussion
Coronal source shows SHS-behavior

Although previously reported in the literature, the existence of a non-thermal
component in the coronal source is not trivial. As the thermal component is
strong and any non-thermal emission very soft, the latter is just an extension
at a much lower flux (see Fig. 3.2c). We have tested the possibility of flux
pileup contributing to the range of energies where the non-thermal component
was fitted (section 3.2.2). These tests show that the observed HXR tail cannot
be caused just by pileup but that there is significant HXR source emission.
We cannot exclude in all cases, however, that the extension cannot be fitted
equally well with a second thermal component at a much higher temperature.
In cases like Fig. 3.2c, the fit with two thermal components has a higher
χ-square and is therefore less likely. We will thus continue to refer to the
high-energy extension as non-thermal.
It is a remarkable result that for 5 out of 5 events, the time-evolution of the
spectral index γ of the coronal sources shows SHS-behavior. The event of July
13th 2005 is noteworthy, showing SHS-behavior in the coronal source, but not
in the footpoints (Fig.3.4d). The SHS-behavior of the coronal source would
not be expected if SHS was just a transport effect such as Coulomb collisions
or an electric field. Filtering of low energy electrons in the loop by collisions
would not have an effect on the coronal source from where the particles may
have originated. An induced electric field due to the return current E = ηj ret
(where η is the electric resistivity), reflecting low energy particles from the
loop back upwards would even lead to a softer spectrum in the coronal source,
i.e. an anti-correlation between flux and spectral hardness.
Although the notion of a pivot point was introduced by Grigis & Benz
(2004) as a convenient and quantitative characterization of the SHS-behavior,
Table 3.2 suggests a possible physical significance of the pivot energy: Epiv
cs
seems to increase with the temperature of the coronal source. The significance
needs to be confirmed by a larger sample. Another hint on a possible physical
relevance is the value of the pivot energy. In the flares in which it could be
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determined, the pivot energy of the coronal source is at the energy (within the
error range) where the spectra of the thermal and non-thermal components
intersect (Fig. 3.2c) or higher. Table 3.2 also shows that the pivot energy
is an order of magnitude higher than the mean thermal energy. A deviation
from a Maxwellian energy distribution or from isothermal homogeneity would
be necessary to interpret the pivot energy as the starting point for the nonthermal acceleration. We do not consider it impossible, but highly speculative.

3.4.2

Soft-hard-soft behavior of the full sun

The soft-hard-soft (sometimes soft-hard-harder) behavior of solar flares has
been extensively studied in full sun observations (see 3.1). As the coronal
source usually dominates in the early phase of an event and remaines luminous longest, but at peak time the non-thermal part of full-sun spectra is
dominated by the footpoints (e.g. Fig. 3.3), the reported SHS results of full
sun observations need to be tested for the possibility of spatial changes dominating temporal changes.
We have compared the time evolution of the non-thermal flux F35 of the
coronal source and of the combined footpoints to investigate the influence
of a change in predominance from the coronal source emission to footpoint
emission and back to coronal emission (coronal-footpoint-coronal) on the SHS
feature. Figure 3.9 shows the only event where an indication of such an effect
could be found. The footpoint emission is weaker than the coronal source in
the beginning, exceeds the coronal emission when the spectral index is hardest
and decreases below the level of coronal emission afterwards. The (negative)
spectral index of the full sun correlates with both the flux of footpoints and
the flux of the coronal source. It continues to correlate with the coronal
source when the footpoints vanish. We conclude that a coronal-footpointcoronal effect may enhance the SHS feature in full sun observations, but does
not cause it. Therefore, the SHS-behavior must be a property of the sources
themselves.

3.4.3

Differences in spectra

Difference between coronal source and footpoints
Assuming an electron power-law distribution for the electron energy E of the
form
F (E) = AE −δ
(3.1)
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Figure 3.9: Non-thermal flux F35 fitted to the spectrum of the coronal source
(dotted line) compared to summed flux of both footpoints (solid line) of the
event of Nov. 1st 2003. The dashed line gives the spectral index of the full
sun spectra.
producing thin-target bremsstrahlung-emission in the coronal source, the observed photon-spectrum at photon energies ε is
Ithin (ε) ∼ ε−(δ+1)

(3.2)

with spectral index γthin = δ + 1. Reaching the chromosphere, the accelerated
electrons will be fully stopped, producing thick-target bremsstrahlung with a
photon-spectrum
Ithick (ε) ∼ ε−(δ−1)
(3.3)
having a spectral index γthick = δ − 1 (Tandberg-Hanssen & Emslie 1988). In
such a simple scenario one would therefore expect a difference in the photon
spectral index γthin −γthick = 2 between the coronal source and the footpoints.
Indeed we find always a difference between the spectral index of the coronal
source and the footpoints. In 2 events out of 5, the difference is considerably
larger than 2. This result excludes a scenario in which the same electron beam
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first produces thin target emission in the corona, then thick target emission
in the chromosphere. Different particle populations seem to be involved or a
filter mechanism may operate causing low-energetic electrons to preferentially
lose energy before they reach the chromosphere and therefore hardening the
spectrum. Candidates for such a transport effect are collisions and the electric
field of the return current.
The 3 events in which the difference is smaller than two include those two
with small source separation. The similarities in the spectra can therefore be
partly accounted for by a situation that is between the assumed ideal thick and
thick targets. This may be the case when electrons substantially lose energy
before reaching the chromosphere.

Difference between footpoints
The difference between the footpoint spectral indices is only significant in one
event out of five (Oct. 24th 2003). The larger and more luminous footpoint
is softer. The opposite is the case in the flare of July 23rd 2003, analyzed by
Emslie et al. (2004).

3.5

Conclusions

A selection of five RHESSI events with three concurrent X-ray sources (coronal
source and two footpoints) has been studied regarding the spectral relations
between the sources. All spectra can be fitted with a non-thermal component
having a power-law photon distribution. Although no low-energy soft X-ray
observations are available for comparison, we believe that they probably are examples for Masuda-type sources (Masuda et al. 1994), but our looptop sources
are generally softer than the one found by Masuda. Therefore, such events
are easier to detect with RHESSI than they were with Yohkoh and are more
frequent than inferred previously. In addition, all coronal sources and some of
the footpoints at times show a thermal component. The major results are:
• All coronal sources evolve according to the same time evolution in spectral hardness. The higher the flux, the harder (smaller γ) the nonthermal component. This soft-hard-soft pattern correlates with the
non-thermal flux without measurable delay. Transport effects such as
collisions or an induced electric field cannot cause SHS in the coronal
source.
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• As the emission of the footpoints often dominates at 35 keV, it is not
surprising that the pattern, previously reported for full sun observations,
is also found in the footpoints of three out of 5 events. Imaging spectroscopy suggests that SHS is a feature of all sources, and thus possibly
of the accelerator itself.
• SHS in full sun observations cannot be explained by a change of the
dominant source (softer coronal source present at all times plus a hard
footpoint source with time-varying intensity). If SHS was caused by
such an effect, neither source would display it individually.
• The difference in spectral index between non-thermal coronal and footpoint emission is not 2, as would be the case if the difference was simply
caused by thin and thick target bremsstrahlung, respectively. Smaller
differences in γ may be explained by a an intermediate situation between
the two extremes. The plasma of the coronal source could act as thick
target for low energetic electrons and as thin target for higher electron
energies. The cases with γ > 2 require a filter effect in the propagation
preferentially reducing the distribution at lower energies. Such a filter
may be collisions or an electric field.
• The pivot energy, characterizing the SHS-behavior of the non-thermal
emission, is at the energy where the distribution of the thermal and
non-thermal components balance in half of the cases. In the other half,
the pivot energy is higher than this point.
• The pivot energy at the footpoints is significantly lower in all cases
(16 − 23 keV for the coronal source vs. 14 − 15 keV for the footpoints).
Such a difference suggests a filter acting during particle propagation to
the footpoints, reducing lower energies more than higher energies.
• In one out of 5 events the two footpoints have significantly different
spectral indices, ∆γ = 0.33 ± 0.04. The difference is constant during
the event, although the spectral indices vary in time. Again, an energy
filter during propagation seems to be at work, differing in one flare for
the two legs of the loop.
• The photon flux at energies below about 15 keV is dominated by thermal
emission. Most of this emission originates from the coronal source. If its
temperature correlates with the pivot energy it may hint at a physical
significance of the pivot energy for the acceleration process, but needs
further investigation.
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• As pointed out before from Yohkoh/SXT observations, the thermal
emission from the coronal source often significantly exceeds the thermal emission of the footpoints, which is detectable in some events and
at some times.
This analysis has shown that the non-thermal X-ray emission in coronal sources
cannot only be detected by RHESSI, but can also be studied in time. As the
coronal source is directly related to flare energy release, this opens the possibility of further investigating the enigmatic acceleration process of electrons.
The temporal and spectral relation of the coronal source to the footpoints
suggests an intricate connection between corona and chromosphere. While a
comprehensive interpretation of our results in terms of particle propagation
and thermal conduction is beyond the scope of this study, the idea that flare
energy release and particle acceleration are closely related to the coronal source
is supported by our results.
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Chapter 4

Exploring the connection between
coronal and footpoint sources in a
thin-thick target solar flare model∗
M. Battaglia 1 , and A. O. Benz1

Abstract
Context. Hard X-ray emission of coronal sources in solar flares has been observed and studied since its discovery in Yohkoh observations. Several models
have been proposed to explain the physical mechanisms causing this emission
and the relations between those sources and simultaneously observed footpoint
sources.
Aims. We investigate and test one of the models (intermediate thin-thick target model) developed on the basis of Yohkoh observations. The model makes
precise predictions on the shape of coronal and footpoint spectra and the relations between them, that can be tested with new instruments such as RHESSI.
Methods. RHESSI observations of well observed events are studied in imaging and spectroscopy and compared to the predictions from the intermediate
thin-thick target model.
Results. The results indicate that such a simple model cannot account for the
observed relations between the non-thermal spectra of coronal and footpoint
sources. Including non-collisional energy loss of the electrons in the flare loop
due to an electric field can solve most of the inconsistencies.
∗
1

This chapter is published in Astronomy & Astrophysics 466, 713 (2007)
Institute of Astronomy, ETH Zurich, CH-8092 Zurich, Switzerland
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Introduction

How well do we understand the physics behind solar flares? Solar flares release
a large portion of their energy within seconds to minutes. A significant part of
this energy goes into accelerated electrons and ions which then precipitate to
the chromosphere along the field lines of a magnetic loop. The chromosphere
acts as a thick target on the precipitating particles, leading to characteristic
hard X-ray (HXR) emission. The first observations of such footpoint sources
were made by Hoyng et al. (1981). Masuda et al. (1994) found another HXR
source near the top of flare loops in Yohkoh observations. Feldman et al. (1994)
analyzed such coronal sources with Yohkoh BCS and SXT. Due to the normally
low coronal densities one would expect a thin target emission from this coronal
source. However, the observations by Feldman et al. (1994) yield quite high
column densities (1020 cm−2 < N < 7 · 1020 cm−2 ) in the coronal source that
would act as a partly thick target on electrons below a certain energy. On the
basis of the observations by Masuda et al. (1994) and Feldman et al. (1994),
Wheatland & Melrose (1995) developed a simple model that has been used
and investigated further (eg. Metcalf & Alexander 1999; Fletcher & Martens
1998). The model consists of four basic elements; a particle accelerator on top
of a magnetic loop, a coronal source visible in SXR and HXR, collision-less
propagation of particles along the magnetic loop and HXR-footpoints in the
chromosphere. The coronal source acts as an intermediate thin-thick target on
electrons depending on energy (thick target for lower energetic electrons, thin
target on higher energies). We will therefore refer to this model as intermediate
thin-thick target, or ITTT model.
For large enough column depths or steep enough electron spectra, almost
all electrons would be stopped in the loop and no footpoints could be observed.
Such events were observed with Yohkoh and later with RHESSI. Veronig &
Brown (2004) analyzed flares with faint footpoint emission but a dense loop
acting as a thick target on electrons of energies up to 60 keV.
Due to its high spectral and spatial resolution, RHESSI (Lin et al. 2002)
provides the means to perform imaging spectroscopy on events with multiple
sources. Battaglia & Benz (2006) showed that it is possible to study the nonthermal X-ray emission of coronal sources and footpoints and the relations
between them in detail.
Therefore, the ITTT model and its predictions can be tested using RHESSI
data of well observed events. It is the simplest model that can explain the
Yohkoh data. Can it also explain RHESSI data?

4.2. Theoretical model

4.2
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Theoretical model

The ITTT model features a dense coronal source into which a beam of electrons
with a power-law energy distribution is injected. Some high energy electrons
then leave the dense region, precipitating down to the chromosphere. The
coronal region acts as a thick target on particles with energy lower than a
critical energy Ec and as thin target on electrons with energy larger than
the critical energy. This results in a characteristic HXR spectrum as well as
SXR emission due to collisional heating of the coronal region. The altered
electron beam reaches the chromosphere, causing thick target emission in the
footpoints of the magnetic loop. The predicted photon spectra are shown in
Fig. 4.1. The coronal spectrum consists of two power-law components with a
break at Ec . The footpoint spectrum has a break at the same energy as the
coronal spectrum and is a power-law at high energies.
The model predicts the following properties:
1. The coronal and footpoint spectra intersect at the critical energy (Ec =
Eintersect ).
2. There is a break at Ec in the individual spectra of coronal source and
footpoints, but not in the sum of the two spectra.
3. The spectral indices below and above the break in the coronal source
have a difference of γ2cs − γ1cs = 2.
4. The spectral index of the coronal source below the break is equal to the
spectral index of the footpoints above the break (γ1cs = γ2f p ).
5. The difference between the spectral indices of the coronal source and
the footpoints at high energies is γ2cs − γ2f p = 2.
6. Coronal source and footpoints have the same intensity at Ec .
7. SXR and HXR emission in the coronal source are spatially coincident.

4.3
4.3.1

Observations
Event selection and spectral analysis

We analyzed the five events described in Battaglia & Benz (2006) in an interval
of 3 RHESSI spin-periods (about 12 s) around the time of maximum HXRemission. The events are listed in Table 4.1.
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Figure 4.1: Schematic photon spectra for electron distribution with powerlaw spectral index δ = 5 and critical energy Ec = 10 keV. The dashed line gives
the spectrum of the coronal source with the spectral indices γ1cs = γ2f p = δ − 1
and γ2cs = δ + 1. The dotted line indicates the combined spectrum of the
two footpoints. The footpoint spectrum is a power-law with spectral index
γ2f p = δ − 1 at high energies. The solid line is the total of coronal source
and footpoints (pure thick target). The dash-dotted line gives the footpoint
spectrum from an electron population that has been altered in the loop (see
Discussion).

Imaging spectroscopy applying the Clean algorithm for image reproduction was used to produce spectra of coronal sources and footpoints. Reasons
for favoring Clean over Pixon are discussed in Battaglia & Benz (2006). To
compare the observations with the model, the footpoints where treated as one
region and only a total spectrum over both footpoints has been computed. The
coronal sources have been fitted with a thermal component and a non-thermal
power-law, the footpoints only with a non-thermal component. Varying the
starting fit parameters and the fit energy range provided a validation for the
stability of the fit and an estimate of the range of spectral index values. The
spectra and fits are shown in Fig. 4.2.

4.3. Observations
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Figure 4.2: Coronal (crosses) and footpoint (dots) spectra of the five analyzed events. The thin solid line
indicates the thermal fit to the coronal source. The thick solid lines give the power-law fits to coronal source and
footpoints. Their extension to low energies (not observed) is given as a dot-dashed line. The dotted line indicates
the average critical energy.
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Table 4.1: Eventlist. The time indicates the peak time in the 50 - 100 keV
energy band.

No.
1
2
3
4
5

4.3.2

Date
4-Dec-2002
24-Oct-2003
1-Nov-2003
13-Jul-2005
30-Jul-2005

Time GOES class
22:47:02
M2.7
02:48:42
M7.7
22:33:14
M3.3
14:14:30
M5.1
06:32:06
X1.3

Density and critical energy

In the ITTT model, the critical electron energy for the transition between
thick and thin target for a given column density N0 is given by equating the
source size to half of the mean free path,
Ec =

p

2KN0

(4.1)

with the constant K = 2πe4 ln Λ. The Coulomb logarithm lnΛ is about 20 for
the electron densities and temperatures in the presented sample. The column
depth the electron beam passes in the coronal source was computed using
RHESSI and GOES data, following the treatment in Wheatland & Melrose
(1995). For a source volume V , a total source diameter of V 1/3 is assumed.
An electron beam injected in the middle of the source would then travel half
this distance, giving a column depth of:
√
ne V 1/3
A−1/4
No =
= EM ·
2
2
p

(4.2)

where the electron density ne = EM/V using the observed emission measure
EM and the volume V = A3/2 . The area A was measured from the 50% contour
of the coronal source in RHESSI Clean images at energy 10 - 12 keV, taking
into account the Clean-Beam size and effects of the pixel size on the contour
determination.
The emission measure was computed from spectral fits to RHESSI full sun
spectra and the spectrum of the coronal source only. As noted by Battaglia &
Benz (2006), the thermal footpoint emission generally is very faint in RHESSI
observations. Therefore, the thermal emission measured in full sun spectra
is predominantly coronal emission. However, the spectral fittings deviate

4.4. Results
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slightly, the temperature being lower and the emission measure higher for
the imaging spectroscopy fit. We therefore use both as a range of possible
column densities.
Additionally, we computed the GOES emission measure and temperature
for comparison. The range of all RHESSI and GOES emission measures then
gives an estimate of the accuracy for the column densities and critical energies
(Table 4.2).

4.3.3

Position of coronal source at different
energies

The ITTT model predicts spatial coincidence of the coronal emission for all
energies. To check for this, Clean images at different energies where made and
the centroid of the 50% emission of the coronal source was computed in order
to get the position. At energies higher than 20 keV, the footpoint emission
starts to dominate, making an accurate determination of the coronal sourceposition difficult. We determined the centroid positions for the energy range
6-12 keV (thermal) and 16-22 keV (partially non-thermal).

4.4

Results

The main numerical results are given in Table 4.2. We find column densities
between 2.1 · 1019 < N0 < 1.2 · 1020 cm−2 . This yields a range of Ec from 7.7
keV - 21 keV, significantly lower than the values calculated by Wheatland &
Melrose for Yohkoh events (15 keV< Ec < 40 keV). The comparison of the
data with the predictions from the ITTT model is not always possible due
to the presence of the thermal component. Especially, the estimated critical
energy is within the range dominated by the thermal component in all events.
Comparing the data with the predictions from the ITTT model gives the
following results, following the numbering in Sect. 4.2:
1. The power-law fits of the non-thermal coronal and footpoint spectra
intersect at energies Eintersect = 7.6 - 23.1 keV. In 3 events, this energy
is within or just outside the estimate for the critical energy derived
from eqns. (4.1) and (4.2). Therefore Ec ≈ Eintersect . In two events
(no. 2 and 4), Eintersect is significantly higher than the computed Ec
(Eintersect > Ec ).
2. In the events with Ec ≈ Eintersect the estimated break energies and
intersection energies are in the energy range dominated by the thermal
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Table 4.2: Summary of observed parameters to be compared with the theory.
The power-law spectrum of the coronal source can only be observed at energies
higher than the thermal emission, therefore no value for the part below the
break could be determined.
Event
1
2
3
4
5
cs
γ1
(6.3±0.1)
cs
γ2
3.5±0.7
6.3±0.1
4.2±0.4
5.6±0.2
5.9±1.0
fp
γ2
2.8±0.2
2.5±0.1
3.5±0.1
2.7±0.2
2.9±0.1
γ2cs − γ2f p
0.7±0.7
3.8±0.1
0.7±0.4
2.9±0.3
3± 1.0
−2
19
19
19
19
N0 (cm )
(2.5-4.9)·10 (2.8-6.1)·10 (2.1-4.3)·10 (2.6-3.0)·10 (7.1-12)·1019
Ec (keV)
9.5-13.5
10.3-15
8.9-12.6
7.7-10.5
16.2-20.8
Eintersect (keV)
10.3
23.1
7.6
20.2
20.9

emission of the coronal source. A break in the coronal spectrum can
therefore not be detected, but might still exist. In events nos. 2 and 4,
where Eintersect > Ec , the intersection point of the power-law spectra is
observed, but without a break, contradicting the prediction.
3. In event 2, the intersection energy is well outside the thermal emission
but γ2cs − γ1cs 6= 2 in the coronal source, contrary to the prediction.
4. In event 2, γ1cs > γ2f p , not equal as expected from the model.
5. γ2cs − γ2f p > 2 in three events and γ2cs − γ2f p < 2 in two events.
6. In three events, Ec and Eintersect of the non-thermal fits are within the
thermal emission of the coronal source. In event 2, Eintersect is observed
with the coronal source being brighter than the footpoints at Ec .
7. No significant positional differences between energies 6 - 12 keV and 16
- 22 keV have been found (see Fig. 4.3). Due to the increasing footpoint
brightness at higher energies, an accurate determination of the coronal
source centroid above 22 keV is not possible.

4.4.1

Energy input into the corona

Wheatland & Melrose (1995) proposed that the collisional energy necessary
to produce the non-thermal bremsstrahlung emission in the coronal source is
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Figure 4.3: Images of all events at energies 10 - 12 keV. The 50% contours of
the maximum of the footpoints are given (black). The white crosses indicate
the position of the 50% centroid at energies 6 - 12 keV (thin) and 16 - 22 keV
(thick) with error bars.
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sufficient to account for the observed heating of the coronal source. They
referred to standard flare values (flux, duration, electron spectral index) to
estimate the non-thermal energies. With the observations presented here the
energy input into the individual coronal source can be determined.
We compute the change in thermal energy ∆Eth in the coronal source
between two times
√ in the flare. The thermal energy is calculated according to
Etherm = 3kB T EM · V with a filling factor of unity.
The non-thermal energy input in the coronal source is computed from
the non-thermal coronal spectrum. As cutoff energy, we used the intersection
point of the thermal and non-thermal emission. Saint-Hilaire & Benz (2005)
found that the average relation between photon-turnover and electron-cutoff
photon
electron
is Ecutof
f = Eturnover · 1.7. This gives an upper limit for the electron cutoff
energy and therefore a lower limit for the total energy input.
Comparing the two lower limits, we find that the average non-thermal
energy input is at least of the same order as the change in thermal energy i.e.
∆Enon th ≥ ∆Eth in agreement with the prediction of the ITTT model. For
a lower electron cut-off energy, the non-thermal energy input could be up to
an order of magnitude higher.

4.5

Discussion

The ITTT model as presented by Wheatland & Melrose (1995) predicts a critical electron energy Ec marking the transition between thin- and thick target
emission. This energy is likewise the intersection energy Eintersect between the
non-thermal spectra of the coronal and footpoint sources. How can it then be
explained in the frame of the ITTT model that in events 2 and 4 the estimated
Ec is significantly lower than the observed Eintersect ?
Ec as calculated here may be a lower limit. Including collisional deflections
of the electrons within the coronal target rather than just energy-loss, the
electron paths would become longer and the critical energy for thin target
emission higher. This would increase Ec and could bring it up towards the
observed Eintersect . In that case however, one would expect to observe a break
2
at Eintersect . This is not the case. Further, the difference γcs
− γf2p is higher
than 2 in both of these events, making this explanation even less likely.
An attractive possibility to interpret both, the absence of a break and the
larger difference in spectral index is non-collisional energy loss of the electrons
in the loop due to the electric field caused by the return current. This would
result in a harder and fainter footpoint spectrum, shifting Eintersect to energies
higher than Ec . The expected footpoint spectrum in the case of electrons
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loosing 15 keV of energy in the loop is indicated in Fig. 4.1.
2
The remaining discrepancy then is the difference in spectral index γcs
−γf2p
being smaller than two in events 1 and 3. Such a difference could result where
the targets cannot be clearly separated into thin and thick, for example if the
sources are close as is the case in those events. Part of the emission selected
for the footpoints could originate from the coronal source, giving a mixed thinthick target spectrum for the footpoints. More observations are necessary to
confirm this explanation.
An estimate of the non-thermal energy input into the coronal source compared to the change of the thermal energy content in the coronal source shows
that collisions as manifest in hard X-ray emission may account for the observed
heating of the coronal source. Depending on the electron cut-off energy, the
amount of energy deposited in the target might even exceed the observed thermal energy. However, we did not consider cooling of the coronal source due to
thermal conduction or radiation. Such effects could lead to a thermal energy
input larger than observed.

4.6

Conclusions

We showed that a simple thin-thick target model as the one proposed by
Wheatland & Melrose (1995) cannot explain all observations made with RHESSI.
Modifications of the model are necessary, the simplest being the consideration
of the electric field due to the return current. In the absence of a balancing ion
flux, such a return current is predicted from basic physics in view of footpoint
sources.
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Chapter 5

Observational evidence for return
currents in solar flare loops∗
M. Battaglia

1

and A. O. Benz1

Abstract
Context. The common flare scenario comprises an acceleration site in the
corona and particle transport to the chromosphere. Using satellites available
to date it has become possible to distinguish between the two processes of
acceleration and transport, and study the particle propagation in flare loops
in detail, as well as complete comparisons with theoretical predictions.
Aims. We complete a quantitative comparison between flare hard X-ray spectra observed by RHESSI and theoretical predictions. This enables acceleration
to be distinguished from transport and the nature of transport effects to be
explored.
Methods. Data acquired by the RHESSI satellite were analyzed using full sun
spectroscopy as well as imaging spectroscopy methods. Coronal source and
footpoint spectra of well observed limb events were analyzed and quantitatively compared to theoretical predictions. New concepts are introduced to
existing models to resolve discrepancies between observations and predictions.
Results. The standard thin-thick target solar flare model cannot explain the
observations of all events. In the events presented here, propagation effects in
the form of non-collisional energy loss are of importance to explain the observations. We demonstrate that those energy losses can be interpreted in terms
of an electric field in the flare loop. One event seems consistent with particle propagation or acceleration in lower than average density in the coronal
∗
1
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source.

Conclusions. We find observational evidence for an electric field in flare loops
caused by return currents.

5.1

Introduction

Solar flares have been studied in detail both observationally and theoretically
ever since their discovery by Carrington (1859). Although increasingly more
sophisticated instrumentation provides ever more detailed data, we still lack
the basic understanding of many processes at work in a solar flare.
The common flare picture as deduced from hard X-ray (HXR) observations features an HXR source in the corona (coronal or loop-top source, Frost
& Dennis 1971; Hudson 1978), and two or more HXR sources (footpoints) in
the chromosphere (Hoyng et al. 1981). These sources are thought to be due
to bremsstrahlung emission produced by fast electrons accelerated somewhere
above the loop. If we assume that a single particle beam creates both coronal and footpoint emission, the most basic model would involve thin target
emission at the top of the coronal loop and thick target emission from the
footpoints, which both produce characteristic spectra. Wheatland & Melrose
(1995) developed a more sophisticated model (intermediate thin-thick target
or ITTT model) to fit observations by Yohkoh. They based their model on
observations by Feldman et al. (1994), who found high column densities at the
loop top, which might act as a thick target below a certain electron energy. In
the ITTT model, the shape of the coronal and footpoint non-thermal spectra
and the relation between them, observed by Yohkoh, can be explained. The
column density in the coronal source determines a critical energy level for the
electrons. Electrons that have an energy below this critical energy are stopped
in the coronal region. Consequently, the distribution of electron energies measured at the footpoints is depleted in low energy electrons. If the column
density is high, the coronal source may act as a thick target to electrons of
energies as high as 60 keV, which would leave almost no footpoint emission.
Observational evidence for such coronal thick targets were found in RHESSI
observations (eg. Veronig & Brown 2004).
Less extreme cases, flares with one or more footpoints, have frequently
been observed by RHESSI. To study the spectral time evolution of individual
sources, five well-observed events were analyzed by Battaglia & Benz (2006)
who focused on the differences between the spectral indices of coronal and
footpoint spectra. They found that in two of those events, the differences at
specific times as well as the time-averaged difference was significantly larger
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than two, ruling out a simple thin-thick target interpretation. In Battaglia &
Benz (2007), the spectra of the five events were compared with the predictions
of the ITTT model. The authors exploited the order of magnitude improvement in spectral resolution of RHESSI over the 4-point Yohkoh spectra and
showed that most RHESSI observations could not be explained by the ITTT
model.
Battaglia & Benz (2007) proposed that by considering non-collisional energy loss inside the loop this inconsistency could be resolved. A possible
mechanism that causes non-collisional energy loss is an electric field. Accelerating electrons out of the coronal source region drives a return current to
maintain charge neutrality in the whole loop. For finite conductivity, Ohm’s
law implies that an electric field must be present. The beam electrons lose
energy because of work expended in moving inside the electric potential. This
produces a change in the shape of the electron spectrum at the footpoints.
The formation and evolution of these return currents were studied by various
authors (e.g. Knight & Sturrock 1977; Spicer & Sudan 1984; Larosa & Emslie 1989; van den Oord 1990). Zharkova & Gordovskyy (2006) proposed that
return currents could explain the high energy break observed in flare HXR
spectra. Most studies have, however, been theoretical proposals or numerical
simulations, based on standard flare values, that do not attempt to explain or
reproduce true solar flare observations.
Battaglia & Benz (2007) compared RHESSI spectra to the ITTT-model of
Wheatland & Melrose (1995), demonstrating that the qualitative shape and
relations between coronal and footpoint-spectrum often do not agree with the
model predictions. In this study, we take an additional step by completing
a quantitative analysis of the relation linking coronal and footpoint spectra
in the context of the thin-thick target model; we demonstrate that, in some
cases, electric fields related to return currents can indeed explain the relation
between coronal and footpoint spectra.
In Sect. 5.2 we summarize the basic physical concepts applied in the paper.
Section 5.3 provides a brief overview of the analyzed events and a description
of the spectral analysis. In Sect. 5.4, we describe our calculation of the energy
loss required to reproduce the observed footpoint spectrum, constrained by
the coronal emission. Our results are presented in Sect. 5.5. In Sect. 5.6, we
link those results to the concept of return currents.
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Thin and Thick target emission

Two types of bremsstrahlung emission are distinguished. If the electrons pass a
target without losing a significant amount of energy, the corresponding emission is referred to as thin target (Datlowe & Lin 1973). This situation is
expected to occur in coronal regions when electrons pass through a target of
insufficient column density to stop them. If the electrons are fully stopped
inside the target, the resultant emission is called thick target emission (Brown
1971). This is the case for the dense chromospheric material at the footpoints.
For an input power-law electron distribution of the shape F (E) = AE E −δ ,
the non-relativistic bremsstrahlung theory predicts power-law photon spectra
I(ǫ) ∝ ǫ−γ

where

(

γ =δ+1
γ =δ−1

in the thin target case
in the thick target case

The observable distinction between the two emission mechanisms is a difference
∆γ of value 2 in their observed photon spectral indices.
Assuming a final column density in the coronal source, the coronal source
spectrum is a thick target at low energies and a thin target at high energies
with a break at some critical energy. The footpoint spectrum is depleted
at low energies, as low energy electrons do not reach the chromosphere. An
illustration of this can be found in Wheatland & Melrose (1995) or Battaglia
& Benz (2007).
In the events that we analyze here, a thermal component is present in
all observations. Observation of the non-thermal emission is therefore only
possible at photon energies higher than 15 keV. For these energies we can
assume that the coronal source is a pure thin target and the footpoints are a
pure thick target.

5.3

Event description and spectral
analysis

The two events that we analyze were described in detail by Battaglia & Benz
(2006; 2007). They were selected because of the significant differences between
the footpoint and coronal non-thermal spectral index. The first event occurred
on 24 October 2003 around 02:00 UT (GOES M7.7), the second on 13 July
2005 around 14:15 UT (GOES M5.1). Both events occurred close to the limb
but were not occulted; two footpoints were therefore fully observed in both
cases. RHESSI light curves from the time of main emission are shown in
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Figure 5.1: Top: RHESSI light curves in the 6-12 and 25-50 keV energy
band. The analyzed time interval is indicated by the vertical bar. Bottom:
SOHO/EIT image at 24 October 2003 02:47:31 (left), GOES SXI image at 13
July 2005 14:19:04 (right). The 30 %, 50 % and 70 % contours from RHESSI
Pixon images of the coronal source at 12-16 keV (solid contours) and 20-24
keV (dashed contours, mainly non-thermal emission) are overlaid along with
the 50% contour of the footpoint sources at 25-50 keV.
Fig. 5.1. An EIT image of the 24 October 2003 event and a GOES SXI image
for the event of 13 July 2005 are presented for orientation. The contours of
the coronal source and the footpoints from RHESSI images are overlaid.

5.3.1

Spectral fitting and analysis

The two events were analyzed using imaging spectroscopy with the PIXON
algorithm (Metcalf et al. 1996; Hurford et al. 2002). Images were made in a
30 second time interval during which the flux was sufficiently high for good
images but pile-up was low. The image times are given in Table 5.1 and
shown in Fig. 5.1. The spectra of the footpoints and the coronal source were
measured and fitted. The regions of interest from which the spectra were
computed were chosen to be a circle around the coronal source and a polygon
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around the footpoints to include all of the emission at all energies. The effects
of this method of region selection are discussed in Battaglia et al. (2005). As
a simplification, the footpoints were treated as one region and the spectrum
was fitted with a single power-law. In the presence of the footpoints, the
non-thermal emission in coronal sources is difficult to observe. Therefore, two
methods of fitting the coronal source were used. First, a thermal component
was fitted to the spectrum at low energies and a single power-law to the
energies higher than about 25 keV. As a second method, the full sun thermal
spectrum was fitted. As shown in Battaglia et al. (2005), the thermal emission
observed in full sun spectra is mostly coronal emission. We therefore used the
thermal full sun fit as an approximation to the coronal thermal component and
completed a power-law fit at the higher energies, while the thermal emission
was fixed. This supports the idea that non-thermal emission exists in the
coronal source and provides an estimate of the accuracy of the non-thermal
coronal fit. The energy ranges for the fits were 8-36 keV for the coronal source
and 24-80 keV for the footpoints. All fit parameters are provided in Table 5.1.
In the thin-thick target model an electron beam is assumed to be injected
into the center of the coronal source. The column depth that the electrons
travel through in the corona is then ∆N = ne ·l, where the path length l is half
the coronal source length. From RHESSI images in the 10-12 keV band, the
source area A was measured to be the 50% contour of the maximum emission.
We approximate
the source volume to be V = A3/2 and the path length to
√
emission measure EM, the particle density
be l = A/2. Using the observed
p
is computed
to be ne = EM/V which corresponds to a column depth of
√
∆N = EM A−1/4 /2 expressed in observable terms. A volume filling factor
of 1 was assumed for the computation of the density, which will be improved
in Sect. 5.5.2. The emission measures were taken from the spectral fits to
the coronal source and to full sun spectra. Additionally, temperatures and
emission measures observed by GOES were included. This provides a range
for the emission measures, temperatures, and column depths, and an estimate
of their uncertainty.

5.4

Method

Starting from the assumption that the observed coronal spectrum at high
photon energies is caused by thin target emission, we compute the electron
distribution and therefore the expected footpoint photon spectrum. This is
completed via the following steps.
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1. We assume that the observed coronal photon spectrum can be fitted by
a power law:
cs
−γ cs
Fobs
(ǫ) = Acs
,
(5.1)
ǫ ǫ
cs
where Acs
the photon spectral index.
ǫ is the normalization and γ

2. Using thin target emission, the injected electron spectrum F(E) is then
proportional to
Acs
cs
F (E) = AE E −δ ∼ ǫ E −γ +1
(5.2)
∆N
where ∆N is the column depth the electrons travel through inside the
coronal target (Datlowe & Lin 1973).
fp
3. The expected thick target emission Fexp
(ǫ) caused by this electron distribution in the footpoints can be computed as follows (Brown 1971):
fp
Fexp
(ǫ)

=

fp
p
Afǫ,exp
ǫ−γexp

Acs
cs
∼ ǫ ǫ−(γ −2)
∆N

(5.3)

The superscripts fp and cs denote the footpoint and coronal source values, respectively.
f p (ǫ) is compared to the
4. The normalization and spectral index of Fexp
fp
(ǫ).
observed footpoint spectrum Fobs

In thin-thick target models, the difference in spectral index ∆γ = |γ cs − γ f p |
is 2. As the observed difference is larger than 2 in the selected events, a
mechanism has to be found that causes the electron spectrum to harden while
the beam passes down the loop. We present a mechanism that assumes an
electric field which causes electrons to lose the energy Eloss independently of
the initial electron energy. The resulting spectrum is flatter, although not
strictly a power-law function anymore (Fig. 5.2a). The deviation becomes
substantial below 2 Eloss .
The necessary energy loss is determined as follows:
1. We start with the coronal electron distribution as found from Point 2 in
the above list.
2. By assuming a thin target, the electron distribution leaves the coronal
source and propagates down the loop. A constant energy loss Eloss is
subtracted from the electron energies as the energy loss is independent
of the electron energy.
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Figure 5.2: a) Normalized electron power-law spectrum (solid ) and altered
spectrum due to a constant energy loss of 30 keV (dashed ). b) Relation between loss energy Eloss and fitted thick target photon power-law spectral index
γ f p for initial electron spectral index δ = 3, 4, 5, 6, 7, 8 in the accelerator.
fp
3. We compute the expected thick target photon spectrum Fexp
(ǫ) from
this altered electron spectrum.
fp
4. A power law is fitted to Fexp
(ǫ). The fitted energy range is 30-80 keV.
This is the range for which footpoint emission is typically observed.

The relation between the energy loss experienced and the corresponding photon spectral index of the best-fit power law function depends on the initial
electron spectral index δ and the energy loss Eloss . It is equivalent to the
elementary charge times the electric potential between the coronal source and
the footpoints. If the initial electron spectral index is 8 for instance, the thick
target photon spectral index without energy loss is 7. With increasing energy
loss, this value decreases rapidly. The effect is less pronounced when the initial
electron spectrum is harder. This is shown in Fig. 5.2b for several values of δ
and Eloss . Using the curves in this figure, we can easily determine the energy
loss that causes an electron spectrum of spectral index δ to result in a fitted
photon spectral index γ f p .

5.5
5.5.1

Results
Observed spectra

Figure 5.3 shows the observed spectra overlaid with the spectral fits. As
indicated in Sect. 5.3.1, the thermal fits differ slightly from each-other. The
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Table 5.1: Overview of main event properties and fit parameters

Time interval
Area [cm2 ] / Volume [cm3 ]

24 October 2003 02:48:20-02:48:50 13 July 2005 14:15:00-14:15:30
7.9 · 1018 / 2.2 · 1028
1.7 · 1018 / 2.2 · 1027
full sun imspec GOES
full sun imspec GOES
Temperature [MK]a
21.6
23.2 15.4
23.8
22.3 18.1
49
−3
0.44 3.4
0.22
0.22 0.47
Emission measure [10 cm ] 0.98
10
−3
1.4
3.9
3.2
3.2
4.6
Electron density [10 cm ] 2.1
19
−2
Column density [10 cm ] 2.9
2.0
5.5
2.1
2.1
3.0
footpoints cs fit 1 cs fit2
footpoints cs fit 1 cs fit 2
b
γ
2.6
6.2
6.1
2.9
5.1
5.6
−2 −1
−1
F50 [photons cm s keV ] 2.0
0.07 0.07
0.88
0.06 0.05
a

Thermal parameters for three different measuring methods (RHESSI full sun fit, RHESSI imaging spectroscopy, GOES).
See also comment in Sect 5.5.1.
b
Two different values (cs fit 1, cs fit 2) for the non-thermal coronal fit, distinguishing the two fitting methods used
(compare Sect 5.3.1).
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Figure 5.3: Coronal and footpoint source spectra overlaid with the according fits. Dots are the measured footpoint spectrum, the dashed-dotted line
indicates the fit to this spectrum in the range 30-80 keV. Squares indicate the
observed coronal source spectrum. The solid lines provide the thermal and
non-thermal fits as found from imaging spectroscopy. The dotted lines give
the thermal fit to the full sun spectrum and the resulting non-thermal fit in
imaging spectroscopy.
main reason why the fits do not agree is the wider energy binning adopted by
imaging spectroscopy. With this binning, the atomic lines are not resolved,
contrary to full sun spectroscopy.
Using the different fitting methods as an estimate of the uncertainty, an
average difference in spectral index of ∆γ = 3.55 ± 0.07 for the event of 24
October 2003 and ∆γ = 2.45 ± 0.35 for the event of 13 July 2005 is found
between the coronal source and footpoints.

5.5.2

Expected footpoint emission and energy loss

As described in Sect. 5.4, we computed the electron distribution from the coronal source photon spectrum and the expected thick target emission (footpoint
spectrum) caused by this electron distribution. Figure 5.4 shows the measured
spectra, the expected footpoint spectrum from a pure thick target, and the
footpoint spectrum when introducing energy loss.
To compute the electron flux, the coronal column density is required. As
given in Table 5.1, three different values of the column density were estimated.
Using those, we are able to reproduce a range of possible electron spectra
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Figure 5.4: Observed (fitted) power-laws of the non-thermal coronal source
and footpoints (solid ). The light-gray area indicates the range of expected
footpoint spectra without energy loss. The dark-gray area marks the range of
expected footpoint spectra when energy loss is applied to the electrons to find
the same spectral index as the observed footpoint spectrum. The dash-dotted
lines give the expected spectra at the footpoints if the only transport effect
was Coulomb collisions of the beam electrons (cf. Sect. 5.7.4).
(Table 5.2) and, therefore footpoint spectra. The confidence range of the
footpoint spectra is indicated by a light gray (green) area in Fig. 5.4.
The derived energy loss depends on the fitted coronal and footpoint spectra. For the two different coronal fitting methods, a range of loss energies Eloss = [58.0, 59.4] keV is found for the event of 24 October 2003 and
Eloss = [8.7, 26] keV for the event of 13 July 2005. The normalization of the
new spectrum depends on the initial electron distribution. The initial electron distribution is computed according to Eq. (5.2). It depends on the column
depth. If the column depth is lower, more electrons are needed to produce the
same X-ray intensity. The resulting range of possible spectra is shaded in
dark-gray in Fig. 5.4. As shown in the figure, the footpoint spectrum with
energy loss reproduces well the observed footpoint spectrum for the event of
13 July 2005.
During the event of 24 October 2003, the predicted footpoint spectrum is,
however, an order of magnitude less intense than observed. In the context of
the ITTT model, this implies that the electron flux density emanating from the
coronal region is higher than predicted. The discrepancy may be explained by
density inhomogeneities in the coronal source resulting in a smaller effective

96

Chapter 5. Return currents

column density. The electron flux is underestimated if the non-thermal Xray emission originates in regions that are less dense than average. In the
following we therefore assume that the coronal source has an inhomogeneous
density; this is represented by dense regions with filling factor smaller than 1
for thermal emission and, for the non-thermal coronal source in the 24 October
2003 event, a density that is lower by an order of magnitude. The observations
do not allow to determine the filling factor. As can be seen from Fig. 5.1, the
coronal source in the event of 13 July 2005 is very compact, while the source
in the event of 24 October 2003 is more extended, showing isolated intense
regions. This supports the assumption that the density is inhomogeneous in
the 24 October 2003 coronal source and the true column density in the Xray emitting plasma might be smaller than deduced from the measurements.
fp
Since Fexp
(ǫ) is proportional to 1/∆N , an effective column density of an order
of magnitude less than the observed could produce the observed footpoint
spectrum. In the computations presented in Sect. 5.6, we assume an effective
column density ∆Nef f = ∆N/14 for the event of 24 October 2003.

5.6

Return current and electric field

In the above analysis, we assumed that the electrons experienced a constant
energy loss while streaming down the loop. We now demonstrate that this
energy loss could be caused by an electric potential in the loop that drives a
return current. There was much controversy surrounding the precise physical
mechanism that generates the return current (eg. Knight & Sturrock 1977;
Spicer & Sudan 1984; van den Oord 1990). The basic scenario is the following:
We assume that the electrons are accelerated in the coronal source region.
When a beam of accelerated electrons, which is not balanced by an equal beam
of ions, leaves this region, a return current prohibits charge build-up and the
induction of a beam-associated magnetic field. In the return current, thermal
electrons move towards the coronal source. Since their velocity is relatively
small, they collide with background ions and cause resistivity. Ohm’s law
then implies the presence of an electric field in the downward direction. The
return current density jret can be derived from the equation of motion for the
background electrons (Benz 2002).


(ωpe )2
∂
e
+ νe,i jret =
Eind +
[jret × (B0 + Bind)],
∂t
4π
mc


(5.4)

where B0 is the guiding magnetic field and Bind the field induced by the beam.
We neglect the last term on the right side of Eq. 5.4 by assuming that the beam
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and return currents are anti-parallel, oriented along the guiding magnetic field,
and that the perpendicular component of Bind vanishes. We then obtain


(ωpe )2
∂
+ νe,i jret =
Eind.
∂t
4π


(5.5)

Since we consider a fixed time interval that is far longer than the collision
time, we assume a steady state, neglecting the time derivative of the return
current. The equation then takes the form of the classical Ohm’s law:
(ωpe )2
Eind = σEind.
jret =
4πνe,i

(5.6)

We estimate whether the energy loss computed in Sect. 5.5 is caused by
this electric field. From the observations, we estimated the electron loss energy
Eloss that the electrons experience in the loop (Sect. 5.5.2). Assuming this loss
is caused by the induced electric field Eind and across the distance s from the
coronal source to the footpoints (i.e. half the loop length), we compute the
electric field to be
Eloss
Eind =
.
(5.7)
e·s
Using Spitzer conductivity (Spitzer 1965), the term for the return current
is related to the observed loss energy by:
3/2

jret = 6.9 · 106 Tloop

Eloss
e·s

[statamp/cm2 ],

(5.8)

where Tloop is the temperature in the loop.
On the other hand, the beam current density can be written as
jbeam =

Ftot (E)
· e [statamp/cm2 ],
Af p

(5.9)

where Af p is the total footpoint area. The total electron flux per second
F tot (E) is computed from the observed electron spectrum as follows: Let the
electron spectrum be F (E) = Ae E −δ . The total flux of streaming electrons
per second above a cutoff energy Ecut is then:
Ftot (E) =

Z

∞

F (E)dE =

Ecut

Ae −(δ−1)
E
.
δ − 1 cut

(5.10)

In a steady state, the relation
jbeam = jret

(5.11)
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is valid.
Comparing the beam current as described in Eq. (5.9) with the return
current from the observed energy loss according to Eq. (5.8), we test whether
the assumption of Spitzer conductivity holds.

5.6.1

Results

Table 5.2 presents the relevant physical parameters necessary for the derivation
of the beam- and return currents. For Spitzer conductivity, the loop temperature Tloop is required. Its is expected to have a value between the coronal
source temperature and the footpoint temperature (see Table 5.2). As a first
assumption, a mean temperature of Tloop = 15 MK is chosen. The loop length
is evaluated from RHESSI images, approximating the distance between the
sources from the centroid positions and assuming a symmetrical loop structure. This provides a typical half loop length of 4 · 109 cm. The footpoint
area is measured from the 50% contour in RHESSI images in the 25-50 keV
energy range, yielding a total footpoint area of ≈ (6 − 7) · 1017 cm2 . The beam
current density depends critically on the electron cut off energy Ecut . We use
a value of 20 keV. This gives an approximate lower limit to the total amount
of streaming electrons.
Using the presented observations, Eq.(5.9) and by assuming Spitzer conductivity (Eq. 5.8), the return current results to be of an order of magnitude
higher than the beam current. This contradicts the assumptions of a steady
state, and is also unphysical.

5.7

Discussion

5.7.1

Instability

In Sect. 5.6.1, we assumed Spitzer conductivity when computing the return
current which produced the unphysical result of jret > jbeam . Using Eq. (5.8),
the loop temperature required to maintain equality between the return current
and beam current (jret = jbeam ) can be computed. In the 24 October 2003
event, the loop temperature Tloop would need to be smaller than 10 MK; in
the 13 July 2005 event, Tloop should be less than 3.9 MK. Such low loop
temperatures are highly unlikely.
However, it is possible that the return current is unstable to wave growth.
For an extended discussion of instabilities in parallel electric currents, see
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Table 5.2: Values used for the computation of the beam
and computed currents.
Event
24 October 2003
Assumed loop temperature Tloop [MK] 15
1/2 Loop length s [cm]
3.2 · 109
Electron flux F (E) [s−1 keV−1 ]
6.33·1041 E −5.2
-1.5·10d42 E −5.2
Electron cutoff energy [keV]
20
2
Total footpoint area [cm ]
7.2 · 1017
Eloss [keV]
58-59.4
Electric field strength [statvolt/cm]
(6 − 6.3) · 10−8
jret [statamp/cm2 ]
(2.4 − 2.5) · 1010
jbeam [statamp/cm2 ]
(5.1 − 14.4) · 109

and return currents
13 July 2005
15
4.3 · 109
1.7·1040 E −4.1
-8.4·1040 E −4.6
20
6.2 · 1017
8.7-26
(6.7 − 20.3) · 10−9
(2.7 − 8.1) · 109
(1.9 − 3.6) · 108

e.g. Benz (2002). Instability causes an enhanced effective collision frequency
of electrons in the return current and therefore a lower effective conductivity.
The ion cyclotron instability develops if the drift velocity of the beam particles
ion
Vd exceeds the thermal ion velocity vth
as follows:
Vd ≥ 15

Ti ion
v
Te th

(5.12)

q

kB Ti
ion =
with vth
mi and Te and Ti being the electron and ion temperatures,
respectively.
We assume a steady state for which jbeam = jret = ne eVd , where Vd is
the mean drift velocity of the electrons constituting the return current. We
therefore express Vd as
jbeam
Vd =
(5.13)
ne e
ion
and substitute this expression and that for vth
in Eq. (5.12). Assuming
Te = Ti = Tloop and solving Eq. (5.12) for Tloop the instability condition holds

Tloop ≤ 2.3 · 10

8



jbeam
ne

2

[K].

(5.14)

Since the loop temperature and density are not known exactly, this relation
is illustrated in Fig. 5.5 for several values of ne and Tloop typical in flare loops.
For the values of jbeam found for the observations of the two events, we find
that instability occurs in the 24 October 2003 event for all values of ne and
Tloop in Fig. 5.5. For the 13 July 2005 flare, three distinct regions in the
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diagram can be found. The solid line indicates the relation of Eq. (5.14).
Below this line, the return current is unstable. At high densities and low
temperatures (lower right), the return current is stable and jbeam = jret with
Spitzer conductivity. The range of beam currents jbeam deduced from the data
allows for loop temperatures < 3.9 MK. In the upper right quadrangle, Spitzer
conductivity would imply jret > jbeam , which is unphysical. If the loop was in
this parameter range, the current instability would be most likely saturated
and Te > Ti . This would shift the instability threshold in Fig. 5.5 to the
right. Further, a loop in the state presented by the uppermost part of the
figure (temperature above 10 MK, high density) would be detectable by the
RHESSI satellite even in the presence of the coronal source. Since no loop
emission is observed, we conclude that the loop is either less dense, cooler or
both. The values in the upper right quadrangle are therefore unlikely.

5.7.2

Low energy electron cutoff

In the above computations, a value of 20 keV for the electron cutoff energy
Ecut was assumed. This value is within the range for which the thermal and
non-thermal components of the spectrum intersect. Values around 20 keV
or higher are also supported by detailed studies of the exact determination
of low-energy cutoffs (eg. Saint-Hilaire & Benz 2005; Veronig et al. 2005; Sui
et al. 2007). What if the cutoff energy were substantially lower than 20 keV?
A cutoff energy as low as 10 keV would increase the total electron flux and
therefore the beam current by an order of magnitude, leading to jret ≈ jbeam
for Spitzer conductivity. Conductivity could then not be reduced significantly
by wave turbulence, and instability would be marginal. If the low energy cutoff
were even lower than 10 keV, we would find that jret < jbeam . This could not
be explained in terms of the model used here.

5.7.3

Source inhomogeneity and filling factor

In the above paragraphs, it was demonstrated that the energy loss for the
electrons due to an electric field could resolve the inconsistency in the difference
between footpoint and coronal source spectral indices (Sect. 5.5). For the
event of the 24 October 2003, this produces footpoint emission that is lower
than the observed emission (Fig. 5.4). Images show that the coronal source in
this event is not compact, but extended with brighter and darker regions. It is
therefore possible that the standard density estimate, which favors high density
regions, produces higher densities than average and that the effective column
density of the regions, where the largest part of the non-thermal emission
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Figure 5.5: Region of instability in the density/temperature space for the
event of 13 July 2005. The grey region indicates the densities and temperatures
Tloop for which the return current is unstable (Eq. 5.12). In the lower right
part, the return current is stable and jbeam = jret with Spitzer conductivity.
The current in the event of 24 October 2003 is unstable for all values of density
and temperature in the Figure.
originates, is lower. This would provide a higher expected footpoint emission,
in closer agreement with observations.
As mentioned in Sect. 5.3.1, a filling factor of 1 was used for the computation of the column density. A filling factor smaller than 1 would lead to even
higher densities of the SXR emitting plasma. However, this would not affect
the lower effective column density of the regions, where the HXR emission
originates when assuming source inhomogeneity.

5.7.4

Collisions and other possible scenarios

While return currents may not be the only means of attaining non-collisional
energy loss, they are the most obvious and best studied. However, other sce-
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narios are conceivable, which could produce a harder footpoint spectrum (or a
softer coronal spectrum). In the model presented here, collisional energy loss
of beam electrons is neglected. This is a valid assumption for the following
reasons: If collisions of the beam electrons in the loop were to play an important role, significant HXR emission should originate in the loop. Within the
dynamical range limitations of RHESSI, this is not the case. However, GOES
SXI and SOHO/EIT images imply that the loop is filled with hot material.
To study possible effects of collisions, we compared the change in the electron
spectrum and the resulting footpoint spectrum for collisional energy loss and
energy loss due to the electric field. The change in the electron spectrum due
to collisions depends on the column depth through which the beam passes
and was computed by Leach & Petrosian (1981) and Brown & McClymont
(1975). We assume a column depth derived from the density in the loop times
half the loop length. Assuming the same density as in the coronal source, we
derive an upper limit to the collisional effects. The expected footpoint spectrum from purely collisional losses is indicated in Fig. 5.4 as dash-dotted lines.
Collisions affect the low energetic electrons most where a significant change
in the spectrum is found. At the higher energies observed in this study, the
spectrum does not change significantly. The neglect of collisional effects is
therefore justified. Brown & Mallik (2008) showed that in certain cases, emission from non-thermal recombination can be important, generating a coronal
spectrum that is steeper than expected by the thin-target model. This could
also produce a difference in the spectral index that is larger than two. Acceleration over an extended region (as proposed by Xu et al. 2008) could alter
the electron distribution at the footpoints. If the distribution was harder at
the edge of the region, a spectral index difference larger than 2 would result.
A thorough comparison of such models with observations may be the scope of
future work.

5.8

Conclusions

The spectral relations between coronal and footpoint HXR-sources provide
information about electron transport processes in the coronal loop between
the coronal source and the footpoints. Most models neglect these processes
in the prediction of the shape and quantitative differences between the source
spectra. As shown by Battaglia & Benz (2007), the observations of some solar
flares do not fit the predictions of such models, in particular the intermediate
thin-thick target model by Wheatland & Melrose (1995): there is a discrepancy
concerning the difference in coronal and footpoint spectral indices, which is
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expected to be 2.
We have analyzed the two out of five events that display a spectral index
difference larger than two in more detail. Such a behavior can be attributed
to energy loss during transport that is not proportional to electron energy,
but Eloss /E is larger at low energies. Such an energy loss causes the footpoint
spectrum to flatten, which increases the difference in spectral indices. Two
loss mechanisms come to mind immediately: Coulomb collisions and an electric
potential. Figure 4 demonstrates that the assumption of an electric potential
reproduces the observations more accurately.
In one of the two events, there remains a discrepancy between the observed
and expected footpoint emission, such that the electron flux at the footpoints is
larger than predicted. This flux was estimated from the observed non-thermal
HXR (photon) flux and the observed thermal emission of the coronal source.
We attribute the discrepancy to propagation or acceleration in low density
plasma, which also heats the adjacent high-density regions.
The energy loss can therefore be explained by an electric field in the loop
associated to the return current, which builds up as a reaction to the electrons
streaming down the loop and the associated beam current. In a steady state
(jbeam = jret ), the return current is unstable to wave growth in one event for all
realistic temperature and density parameters in the loop. The kinetic current
instability drives a wave turbulence that enhances the electric resistivity by
many orders of magnitude. This anomalous resistivity in turn significantly
enhances the electric field. In the event of 13 July 2005, the return current
may be stable if the loop density is high and the temperature is low, and Spitzer
conductivity is applied. Both cases (out of five) present strong evidence for a
return current in flares for the first time.
Transport effects by return currents constitute a considerable energy input by Ohmic heating into the loop outside the acceleration region. It may
be observable in EUV. Comprehensive MHD modeling including the coronal
source, the footpoints, and the region in-between, may be the goal of future
theoretical work.

104

Chapter 5. Return currents

Chapter 6

Observations of conduction driven
evaporation in the early rise phase
of solar flares∗
M. Battaglia 1 , L. Fletcher2 and A. O. Benz1

Abstract
Context. The classical flare picture features a beam of electrons hitting the
chromosphere. The electrons are stopped in the dense plasma, emitting bremsstrahlung in hard X-rays. The ambient material is heated by the deposited
energy and expands into the magnetic flare loops, a process termed chromospheric evaporation. In this view hard X-ray emission from the chromosphere
is succeeded by soft-X-ray emission from the hot plasma in the flare loop.
However, observations of events exist which display a purely thermal coronal
source at the beginning of the flare, while the hard X-ray emission only appears
minutes later. Such pre-flare clearly contradicts the classical flare picture.
Aims. For the first time, the pre-flare phase of such solar flares is studied in
detail. The aim is to understand the early rise phase of these events. We want
to explain the time evolution of the observed emission by means of alternative
energy transport mechanisms such as heat conduction.
Methods. RHESSI events displaying pronounced pre-flare emission were analyzed in imaging and spectroscopy. The time evolution of images and full sun
spectra was investigated and compared to the theoretical expectations from
∗
1
2
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conduction driven chromospheric evaporation.
Results. During the first one to two minutes of each event, purely thermal
emission is observed, while RHESSI images present one X-ray source at thermal energies. After this earliest phase, a small non-thermal tail to higher energies appears in the spectra, becoming more and more pronounced. However,
images still only display one X-ray source, indicating that this non-thermal
emission is coronal. At a later stage, the typical high energy power-law spectrum becomes pronounced, while images display two additional X-ray sources
at non-thermal energies. In the earliest, thermal, phase of the events, the
emission measure and density in the corona increase steadily. This indicates
that material is added to the coronal region. The most plausible explanation
is evaporated material from the chromosphere. Energy provided by a heat
flux is capable of driving chromospheric evaporation. We show that the often
used classical Spitzer treatment of the conductive flux is not applicable. The
conductive flux is saturated. During the preflare-phase, the temperature of
the coronal source remains constant or increases. Continuous heating in the
corona is necessary to explain this observation.
Conclusions. The observations of the pre-flare phase of four solar flares are
consistent with chromospheric evaporation driven by a saturated heat flux.
Additionally, continuous heating in the corona is necessary to sustain the observed temperature.

6.1

Introduction

The question of energy conversion during the impulsive phase of a solar flare
has converged over the course of the past three decades on a picture featuring
an acceleration site in the corona, where particles accelerated to high energies then precipitate along magnetic field lines to the chromosphere. In the
chromosphere they lose their energy in the dense plasma, leading to chromospheric heating, as well as the characteristic hard X-ray ‘footpoint’ emission.
In addition to radiating and conducting its excess energy away, the heated
chromospheric plasma finds a new equilibrium by expanding up the loop, in a
process termed ’chromospheric evaporation’. The observational evidence for a
relationship between flare heating and non-thermal electrons in the impulsive
phase is reasonably strong. In this paper we use imaging and spectroscopy
from the RHESSI satellite (Lin et al. 2002), as well as information from the
GOES satellites to investigate flare heating before the flare impulsive phase,
apparently in the absence of non-thermal electrons.
Evaporation is usually proposed as the cause of flare extreme ultravio-
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let (EUV) and soft X-ray (SXR) emission (though see Feldman 1990; Acton
et al. 1992, who dispute this on several grounds). In the evaporation model,
the thermal X-ray emission is a direct effect of the energy deposition in the
chromosphere by the electron beam, so that the time-integrated non-thermal
hard-X-ray (HXR) flux in a given energy range is proportional to the SXR flux.
This was first proposed by Neupert (1968) and since then, the so-called ‘Neupert effect’ has been studied at length by various authors (e.g. Dennis & Zarro
1993; McTiernan et al. 1999; Veronig et al. 2005). Overall the expected proportionality between the time-derivative of the SXRs and the instantaneous HXRs
is supported observationally, particularly for impulsive flares, though there is
a significant scatter interpreted as due to energy losses from low-temperature
radiation, conduction and mass motion. There are also some significant exceptions from this rule - for example, McTiernan et al. (1999) find that the
Neupert relationship manifested in about half of the 33 flares they studied.
This suggests additional energy input, not related to non-thermal electrons,
in the non-Neupert flares. Various authors have also observed impulsive SXR
footpoint emission tracking the HXR intensity, rather than its integral (e.g.
Hudson et al. 1994). Finally, pre-flare SXR sources, occurring in advance of
any HXR emission present a further instance in which thermal emission may
also be completely unrelated to non-thermal electrons. This paper concerns
the observation and interpretation of such sources.
It has been known for some time that flare-related activity commences
prior to the flare impulsive phase. There is a distinction to be drawn between
pre-flare activity, which refers to the very earliest stages of the flare before
the impulsive phase radiation is detectable, and ‘flare precursor’ events, which
are small-scale brightenings in UV to HXR wavelengths happening some tens
of minutes before the flare. The first to use the term “pre-flare” and complete a statistical study on flare precursors in X-rays were Bumba & Křivský
(1959), who inferred the X-ray behavior via ionospheric disturbances. With
the arrival of the Yohkoh satellite (Ogawara et al. 1991), the nature of the
pre-flare phase was studied in more detail, particularly the relationship between the non-thermal and thermal emissions. It was noted relatively early
that high temperature thermal sources were present in the corona substantially before the impulsive phase flare onset (Acton et al. 1992), a result which
is clearly at odds with the assumption that electron beams drive evaporation.
Comprehensive statistics including an analysis of the spatial relations between
pre-flares and the consequent flares has been conducted by Fárnı́k et al. (1996)
and Fárnı́k & Savy (1998) based on observations with the Yohkoh Soft X-ray
Telescope (SXT, Tsuneta et al. 1991). Their definition of pre-flare activity
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is a rise in the Yohkoh emission above background, five minutes to an hour
before the main peak. In the spatially-resolved SXT images it is clear that in
several of their sample there is substantial coronal soft X-ray emission occurring several minutes before the start of the impulsive phase (Fárnı́k & Savy
1998). In a study of 10 Yohkoh flares, Alexander et al. (1998) also identify
line broadening observed with Yohkoh Bragg Crystal Spectrometer (Culhane
et al. 1991) several minutes before the onset of the impulsive phase, and Harra
et al. (2001) show that in one such event the temperature, intensity, and nonthermal line width are changing significantly, well before the start of the hard
X-rays. Taken together, the Yohkoh observations provide strong evidence for
pre-flare coronal activity unrelated to evaporation driven by electron beams.
The Ramaty High Energy Solar Spectroscopic Imager (RHESSI, Lin et al.
2002) offers new opportunities to study pre-flare sources in detail. RHESSI
is a HXR telescope, with spectral coverage extending down in energy to the
thermal range at ∼ 3-20 keV. Its high spectral resolution (of about 1 keV
at energies up to 100 keV) permits spectroscopic diagnostics not available
previously, coupled with high spatial resolution (as low as 1”, depending on
the flare) in user-defined energy channels. This offers new temperature and
emission measure diagnostics for very hot plasmas (around 10 MK and above)
as well as for non-thermal electrons, if present. The RHESSI observations
presented here display an increase of low energy X-ray emission, which can
be fitted with a thermal spectrum, up to minutes before the rise of the HXR
emission. The morphology of these events shows only one source, visible at
energies in the thermal regime, while the footpoints only appear at the onset of
the HXR emission. We will argue that this indicates that another mechanism
of energy transport to the chromosphere may be important, such as heat
conduction. One of the consequences of energy transport to the chromosphere
is chromospheric evaporation.
The main observational arguments for chromospheric evaporation in flares
are (1) that the density of the coronal plasma observed to be emitting in
SXRs during flares is one or two orders of magnitude greater than is generally
measured in the quiet corona (eg. Aschwanden & Acton 2001; Krucker & Lin
2008), requiring a source for the additional material and (2) the presence of
upflowing plasma detected via blueshifts in high temperature spectrum lines
(Antonucci et al. 1982), in particularly those observations made with imaging
spectrometers such as the Coronal Diagnostic Spectrometer (CDS, Harrison
et al. 1995) on the Solar and Heliospheric Observatory (SOHO, Domingo et al.
1995). Such flows have been observed in the flare impulsive phase by Milligan
et al. (2006a;b) and in the gradual phase by Czaykowska et al. (1999). Evapo-
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rative flows have been described as being either ‘gentle’ or ‘explosive’, with the
latter occurring when the rate of chromospheric plasma heating greatly exceeds
the rate at which it can cool by radiation, conduction or expansion, primarily
determined by the ratio between the heating timescale and the hydrodynamic
expansion timescale (Fisher et al. 1985). The relatively slow heating rate by
conduction from a heated corona makes it a likely source of gentle evaporation. Antiochos & Sturrock (1978) developed an analytic model of conductive
driven evaporation in the decay phase of flares, though report that the ‘evaporation’ represented the hydrodynamic redistribution of material already at
coronal temperatures, rather than chromospheric material being heated and
expanding into the corona. Karpen & Devore (1987) carried out numerical
simulations exploring the effects of non-local and saturated heat flux in addition to classical Spitzer heat flux. Observational evidence for such “gentle”
evaporation was found by Zarro & Lemen (1988) in observations from the
Solar Maximum Mission, and the flows observed by Milligan et al. (2006a)
and Czaykowska et al. (1999; 2001) were also found to be consistent with
conductive evaporation, due to both their relatively low speeds and absence
of significant HXR radiation. We investigate whether this process is relevant
also in the pre-flare phase.
In this study, we present the first comprehensive RHESSI-led study of the
pre-flare phase of solar flares. The paper is structured in the following way:
Section 6.2 describes the flare selection process. In Sect. 6.3 the time evolution
of the selected flares is analyzed in spectra and images. A theoretical model
to explain the observed time evolution is presented in Sect. 6.4, followed by a
Discussion and Conclusions.

6.2

Flare selection

In this study, events with pre-flare activity will be analyzed. The main prerequisite of such a flare is increasing emission in SXR well before the onset of
the HXR emission. Therefore, only events the beginning of which was fully
observed were considered. The selection criteria are summarized here:
• Offset of more than 700” from disk center to limit projection effects in
the study of the flare morphology;
• GOES class larger than M1 to ensure good count rates for imaging;
• The beginning of the event had to be observed with RHESSI;
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Figure 6.1: RHESSI corrected count rate lightcurves in 6-12 keV and 25-50
keV during the pre-flare and early impulsive phase of the events. Missing data
in the RHESSI lightcurves indicate the time interval that was omitted in the
analysis due to attenuator state change. The dotted vertical lines indicate the
time interval of the primary analysis, the dashed line gives the start time of the
image in which footpoints are observed first. GOES lightcurve (dash-dotted ).
• SXR & GOES emission had to start increasing at least 1 min before the
HXR emission;
• Events with a simple morphology involving one SXR source at the onset
and two HXR sources appearing later in the event. This indicates the
time when the acceleration process becomes dominant;
• High enough detector livetime (> 90 %) for reliable spectroscopy and
imaging.
Four events were selected as best suited for this kind of study. Their key
parameters are listed in Table 6.1. The RHESSI attenuators were out during
the earliest phase of all events with the thin attenuator moving in as the count
rates increased, typically after 2-3 minutes.
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Table 6.1: Eventlist. The attenuator state is 0 for all events at the very
beginning, then changes to 1 as the flux increases. The attenuator times give
the rough time interval that must be avoided because of attenuator motion.
Date
Analyzed time Position GOES class Attenuator Attenuator times
03-Aug-2002 18:59-19:02
912/-271 X1.2
0/1
19:02:20/19:03:10
13-Nov-2003 04:55:40-04:57:12 -977/23 M1.7
0/1
04:57:20/04:58:20
06-Jan-2004 06:13-06:16
-992/88 M5.9
0/1
06:18/06:19
21-May-2004 23:37:30-23:39
-757/-157 M2.6
0/1
23:40:30/23:41:30

6.3

Time evolution of events

The time evolution of the SXR emission in GOES and RHESSI 6-12 keV along
with the HXR emission (RHESSI 25-50 keV) is shown in Fig. 6.1. The missing data in the RHESSI lightcurves indicate the time intervals omitted due to
attenuator state change. The attenuator state was 0 for all events at the onset
of the flare.
We studied the time evolution of the pre-flare phase both in images and
spectra. CLEAN and Pixon images (Hurford et al. 2002; Metcalf et al. 1996)
during the pre-flare and early impulsive phase were made. The time interval
of each image was 30s in order to get high enough count rates throughout the
pre-flare phase. Full sun spectra were fitted using approximately the same
time binning as used for the images.

6.3.1

Spatial evolution

Figure 6.2 shows CLEAN images of the events taken at the beginning, at the
time when a non-thermal component was first fitted and at the time when
the footpoints first appear. For each event, 3 energy-bands (6-12, 12-25, 25-50
keV) are shown.
All events start with a single source visible only at the lowest energies in
the range 6-12 keV (upper left image of the 9-image panel per flare in Fig. 6.3.1.
This is interpreted as a source at the top of a loop (coronal source). After some
minutes two additional sources appear at higher energies (25- 50 keV) which
are interpreted as chromospheric footpoints (lower right image of each flare in
Fig. 6.3.1). In three events the position of the first appearing source is clearly
displaced from the footpoint position, implying that there is an actual loop
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Figure 6.2: Contour plots from CLEAN images (60%, 75% and 90% of
maximum flare emission) of all events taken at the first fit interval of the rise
phase (left), the time interval when a non-thermal component could first be
fitted (middle) and at the first appearance of the footpoints (right). Those
times correspond to the times of the spectra shown in Fig. 6.4. The energy
bands are 6-12 keV (top), 12-25 keV (middle) and 25-50 keV (bottom).
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Figure 6.3: Position of the coronal source in time in the energy range 6-12
keV. Time evolution is indicated by 70% intensity contours in colors ranging
from black to light with the first appearance of the footpoints (25-50 keV) given
as dotted areas in the appropriate color. The centroid position is marked with
a cross in the corresponding color.
geometry with a coronal source on top and footpoints in the chromosphere. In
the fourth event, the separation is not as clear but from the spectral evolution
(see next Section) one can still assume a coronal-source-footpoints-geometry.
Movement of coronal sources
We analyzed the time evolution of the source position by measuring the centroid position of the 50% contour in CLEAN and Pixon images in the energy
range 6-12 keV. The position from both imaging methods agree within the
uncertainties. Figure 6.3 displays the 70% contour from CLEAN images with
positions as found from CLEAN. Colors go from black to light (time of first
appearance of footpoints). The positions shown indicate the position of the
coronal source from the beginning until the time of the first appearance of
footpoints, in the same time steps as used in spectroscopy (30s).
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In all events, the sources move slightly during the pre-flare phase. The
source in the event of 03-Aug-2002 is stable within the position uncertainties
during the pre-flare phase, but appears at a displaced location in the last image
(at the first appearance of the footpoints). Due to the attenuator state change
just before the last image, an interval of about 1 minute is missing. Therefore,
one cannot say whether the source moves continuously or not. The same
holds for the event of of 13-Nov-2003 while the source position of the 6-Jan2004 event remains constant over time. The 21-May-2004 event is somewhat
peculiar, displaying pronounced, continuous source motion. The displacement
of the position is clearly larger than the uncertainties.

6.3.2

Spectral evolution

Full-sun photon spectra were fitted in 30 s time intervals, corresponding to
the image time intervals. The fitting model consisted of a thermal component
fitted from 6 keV and, if possible, a non-thermal component. All four events
display a purely thermal spectrum in the first of the analyzed time intervals.
This spectroscopic finding is further supported by GOES SXI images (not
shown here). These are available for three out of four events and show a soft
X-ray source minutes to hours before the RHESSI observations. In RHESSI
observations the apparently purely thermal phase lasts one to two minutes,
after which a small tail to higher energies becomes visible (Fig. 6.4). At this
stage, there are as yet no footpoints observed, indicating that the non-thermal
emission is coronal. The tail appears independent of albedo correction and as
the events are all near the limb, the influence of albedo on the total flux is
minimal. Further, pile-up is not large enough at this stage to account for the
emission. It is therefore safe to assume that the tail is real. It can be fitted
with a power-law or with a second, very hot thermal component. During the
impulsive phase (after attenuator state change) the HXR component becomes
very pronounced and clearly distinguishable. Figure 6.4 shows spectra of the
selected events, one taken at flare onset and one when the non-thermal tail
first appears.

6.3.3

Time evolution of flare parameters

The time evolution of the fit parameters, namely temperature, emission measure and spectral index is shown in Fig. 6.5. The figure displays panels for
each event. The top panel of each event shows RHESSI lightcurves in the 6-12
and 25-50 keV energy band. The cross indicates the time of first appearance,
and the hardness, of the non-thermal component. The second panel displays
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Figure 6.4: Spectra with model fits for 2 time intervals. Top: First analyzed time interval. Bottom: First
interval during which a non-thermal component could be fitted.

116

Chapter 6. Conduction driven evaporation in pre-flares

Figure 6.5: Time evolution of the fit parameters for all 4 events. Top:
RHESSI lightcurves in the 6-12 and 25-50 keV energy band. The cross indicates first appearance and hardness of the non-thermal component. Second :
Emission measure [cm−3 ] as computed from RHESSI (crosses) and GOES
dash-dotted ). Third : Temperatures [MK], same as for emission measures.
Fourth: Electron density [cm−3 ] in the coronal source, same as for emission
measures.
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the emission measures as determined from RHESSI spectra and GOES. In the
third panel, temperatures are presented the same way as the emission measures. The fourth panel shows the electron density estimates. The critical
parameter in computing densities is the flare volume. RHESSI images allow
an estimate of the volume by measuring the source area A and approximating
the volume as V = A3/2 . Measuring the area from RHESSI images is quite imprecise with large uncertainties. We determined the 50 % contours in CLEAN
(de-convolving the CLEAN beam) as well as Pixon images. For both methods,
the area is constant over the pre-flare evolution and we made an estimate of
the quantitative value of the volume by taking the average of the CLEAN and
Pixon values, averaged over time. The average electron density in the coronal
source is then given as
ne ≈

6.4

q

EM/V .

(6.1)

A theoretical model to explain the
observations

In Fig. 6.5 we present the time evolution of flare parameters such as temperature, emission measure and density, as well as images. The observations
reveal increasing emission measure and densities over the course of the preflare as well as generally increasing temperatures. Assuming a constant, or
even increasing, source volume, the density increase can only be attributed
to additional material which is added to the coronal source region. The most
likely scenario causing such a density increase is chromospheric evaporation.
In this scenario, chromospheric plasma (including the transition region) is
heated and expands upward the magnetic loops. There are two possible main
heating mechanisms for the chromosphere; non-thermal electron beams and
thermal conduction. In the former case, a beam of high energetic electrons
impinges on the chromosphere, where the particles are completely stopped in
the dense target. As a consequence of this energy deposition, the temperature
rises. In the latter case, energy is transported from the hot coronal source
to the cooler chromosphere by thermal conduction. We are going to discuss
the thermal conduction scenario further in the following subsection. Reasons
why thermal conduction is favored over particle beams are presented in the
discussion.
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Theory of thermal conduction

Our model will explain chromospheric evaporation by heating due to energy
input from heat conduction. The coronal source is much hotter than the
chromospheric plasma, therefore a temperature gradient develops, driving a
heat flux downward along the magnetic loop.
The conductive heat flux is given as
Fcond = κ0 T 5/2

∂T
.
∂s

(6.2)

In classical thermal conduction theory following Spitzer (1965), the conductive
coefficient is κ0 = 10−6 erg cm−1 s−1 K−7/2 . For a flare of half loop length Lloop
and coronal source temperature Tcs , this may be approximated by
7/2

Fcond ≈ 10

−6

Tcs
Lloop

[erg cm−2 s−1 ].

(6.3)

However, the maximum heat flux a plasma can carry is limited by a fraction of the thermal energy-flux Ftherm = ne kTe vth , where vth is the thermal
electron velocity. For sufficiently large temperature gradients, such as occur in
solar flares, the heat flux is expected to reach this limit and saturate. Gray &
Kilkenny (1980) showed that there are two regimes of flux saturation. A nonclassical treatment with local flux limiting is necessary if the electron mean
free path λemf = 5.21 · 103 T 2 /ne (Benz 2002) is larger than only 0.12% of the
temperature scale length Lth . If the electron mean free path even exceeds the
temperature scale length, the heat flux becomes non-local in the sense that it
depends on the global density and temperature structure of the plasma. Figure 6.6 illustrates the boundary conditions for locally limited and non-local
heat flux in the density-temperature plane of typical solar flare values. The
locally limited regime is described by Campbell (1984) as a continuous transition from the purely classical treatment to the non-local regime. Depending
on the ratio R = λemf /Lth , a reduction factor ̺ < 1 is applied to the classical
heat flux, resulting in an effective heat flux of Fred = ̺(R) · Fcond . Campbell
(1984) published the values of ̺ for different R and atomic number Z. Using
the values for Z=1, we fitted a function of the form
̺ = A · e−b(x+c)

2

(6.4)

to the values published by Campbell (1984). The parameters are x = ln(R),
A=1.01, b=0.05, c=6.63. Using those values, the locally limited, reduced heat
flux can be computed for any R from Eq. (6.4).
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Figure 6.6: Temperature vs. density space of typical flare loop values, indicating the boundaries and regimes for classical thermal conduction, flux
limited and non-local conduction. The density and temperature values of the
observed events are given as dots for GOES and triangles for RHESSI observations. Different shades stand for the different events.
In the non-local regime where the electrons are freely streaming and complete saturation is reached, the flux can be expressed as:
3
Fsat = 0.53ne me vth

erg cm−2 s−1

(6.5)

(Karpen & Devore 1987).

6.4.2

Observation of thermal conduction

In studies of thermal conduction in flare loops, a classical scenario involving
Spitzer conduction is often assumed. Are the conditions in the observed preflares consistent with classical conduction or is the flux limited? The densities
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Figure 6.7: Effective conductive flux derived from RHESSI (crosses on solid
line) and GOES (solid line). The dottet line marks the threshold energy flux
to trigger explosive evaporation (from Fisher et al. 1985). The thin dashed
lines mark the level of uncertainty (see 6.5).

and temperatures as derived from GOES and RHESSI observations are displayed in Fig. 6.6. Values measured with GOES are given as dots, RHESSI
measurements are marked as triangles. GOES typically yields larger emission measures and smaller temperatures than RHESSI. Assuming the same
emission volume, this results in higher densities for GOES. The figure reveals
that the conditions during the observed times of the pre-flare cannot sustain
a classical heat flux, the heat flux is limited. The resulting effective flux was
computed from the observed values. Temperatures and densities yield the
electron mean free path λmf p . The temperature scale length Lth is given as
Lth = T /∆T ≈ Lloop , where ∆T was approximated as ∆T ≈ Tcs /Lloop . Using
an estimated loop half-length of 109 cm we computed the ratio R. The correction factor and therefore the effective heat flux was computed from Eq. (6.4).
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The results are displayed in Fig. 6.7, again for both, GOES and RHESSI
values.

6.4.3

Chromospheric evaporation

We assume that the heat flux computed in the section above is deposited in the
transition region and chromosphere, heating the chromospheric material. The
hot material will then expand upward the magnetic loops. This chromospheric
evaporation is usually divided into two types; gentle evaporation and explosive
evaporation. The determining factors distinguishing the two are the ratios between heating, radiative cooling and expansion rate in the chromosphere. If
the heating rate is much smaller than the radiative loss rate, all the deposited
energy is radiated away. If the heating rate is only marginally larger than the
radiative loss rate, the temperature and pressure rise slowly and the material
evaporates gently. If the deposited energy rate exceeds a certain threshold
value, the chromospheric plasma is heated to coronal temperatures quickly, a
large overpressure develops and explosive expansion of plasma is the consequence. Fisher et al. (1985) derived a value for the critical heating flux of 1010
erg cm−2 s−1 for typical coronal and chromospheric conditions. It is generally
assumed that explosive evaporation is associated with the large energy input
provided by beams of fast electrons hitting the chromosphere, while gentle
evaporation is normally attributed to heating by thermal conduction.
Conduction driven chromospheric evaporation
Can the observed emission measure and density increase in the presented
events be explained with chromospheric evaporation driven by the heat flux
presented in Sect 6.4.2? The total energy flux in the evaporated plasma is
given as
evap
2
Fup
= 3nevap
kT evap vup = 3me nevap
vth
vup
e
e

[erg cm−2 s−1 ],

(6.6)

where vup is the velocity of the upward moving plasma, vth the thermal velocity
and nevap
the density of the upflowing plasma.
e
We use the evolution of the density in the coronal source to estimate vup .
dne
dt

=

vup ≈

∂ne ∂s
nevap
≈ e vup
∂s ∂t
Lloop
Lloop dne
·
nevap
dt
e

(6.7)
(6.8)
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The density of the upflowing plasma cannot be determined from observations.
Assuming nevap
= ne , the density in the coronal source, the upflow velocities
e
derived from Eq. (6.8) range from 20 km s−1 to 150 km s−1 . This results in
an evaporative flux of the order of 108 erg cm−2 s−1 . Further, the evaporative
expansion requires an energy of
Eexp =

Z

padl

(6.9)

where p is the total pressure. Assuming isothermal expansion the expansion
energy flux can be computed (see Benz & Krucker 2002):
Fexp = 2me ne vth vup ln(Lloop /li )

(6.10)

The expansion energy flux is larger than the thermal energy flux (Eq. 6.6) by
a factor of 2/3ln(Lloop /li ) which amounts to about 5.
The total energy flux for evaporation is therefore in the range of 5 · 108
erg cm−2 s−1 , which is well below the values obtained from the data (Fig. 6.7).
The rest of the conducted energy heats the transition region and upper chromosphere to sub-coronal temperatures and is radiated away.

6.5
6.5.1

Discussion
Electron beams in the pre-flare phase

In the above section, we demonstrated that conduction driven chromospheric
evaporation can account for observations of pre-flares. Can electron beams
below the detection limit do the same? Let us estimate the maximum expected
non-thermal electron flux and the expected chromospheric heating rate. We
estimate the electron beam strength starting from the observed coronal source
spectrum. The first time-interval when non-thermal emission from the corona
was observed was used as an estimate of the upper limit to the electron flux,
assuming a thin target in the coronal source. If a beam constituting of this
electron flux hits the chromosphere, a thick target footpoint spectrum Ff p =
AE −γ is expected. From observations of footpoints and coronal sources (eg.
Battaglia & Benz 2006), we know that a flux Ff p as found from this estimate
would be well observed in images and spectra. Therefore, the effective electron
flux that reaches the footpoints has to be about a factor 100 smaller. For the
computation of the beam heating rate, we therefore use an assumed footpoint
photon flux spectrum Ffefp f = 0.01 · Ff p .

6.5. Discussion
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The heating rate of a beam of electrons was derived by Brown (1973) and
Lin & Hudson (1976). The rate of energy input per unit volume at column
density N and time t is given as
IB (N, t) = 107 n(N, t)[x(N, t) + 0.55]
A
×
C(γ)(1.1 · 10−17 N )−(γ+1)/2
a

[erg cm−3 ]

(6.11)

where n(N, t) is the hydrogen density, x(N, t) the fractional ionization, a the
cross-section area, A the normalization of the observed photon spectrum, γ
the spectral index of the observed photon spectrum and C(γ) a function of
the β-function and γ. The parameters of the expected footpoint spectrum
were used as input for A and γ in Eq. (6.11). As an estimate of the column density, the stopping depth of a 35 keV electron was used according
2
(Tandberg-Hanssen & Emslie 1988). The resulting density
to N = 1017 Ekev
n(N, t) and fractional ionization x(N, t) was taken from Brown (1973, Table1). The cross-section area was taken as 1017 cm2 , which corresponds to
typical footpoint areas as measured by RHESSI. Finally, the factor C(γ) was
taken from Fig. 2 in Lin & Hudson (1976). Inserting the above values gives
a total energy input of the order of 3-4 erg cm−3 s−1 . From the expression of
the column density N = nl, where l is the path length, l can be determined
and by multiplying Eq. (6.11) with l we get an energy input of 5-7·107 erg
cm−2 s−1 , which is two orders of magnitude smaller than the energy input by
thermal conduction. Therefore, if there is any chromospheric heating by electron beams in the pre-flare phase, its contribution is minimal compared to the
energy input by thermal conduction.

6.5.2

Influence of assumptions

In all computations throughout this work, the values measured in the coronal
source were used also for the loop legs. For some parameters, e.g. the electron
mean free path λmf p , those values may not be accurate. For a complete
treatment, the temperature and density in the loop is needed. However, those
values cannot be determined observationally. If the loop was at the same
temperature and density as the coronal source, it would be visible in X-ray
images. As no loop emission is observed in the images, the actual loop has to
be either less dense or cooler than the coronal source. Thus the coronal source
values represent an upper limit to the true conditions in the loop. Smaller
temperature could result in an order of magnitude smaller R. On the other
hand, a smaller density could cause an order of magnitude larger ratio R of
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electron mean free path to temperature scale length. The correction factor ̺
(Eq. 6.4) would change by 0.5 to 2, respectively and so would the conductive
flux. The resulting upper and lower limits of the conductive flux are indicated
by dashed lines in Fig. 6.7. Even if the conductive flux differed by a factor of
2, this would not change the basic interpretation.
evap
The evaporated flux Fup
∼ ne T vup ∼ T only depends on the temperature. It is therefore expected to be at most about a factor of 4 smaller.
However, the upflow velocities derived from Eq. (6.8) are proportional to 1/ne
and could therefore be up to an order of magnitude larger for smaller densities.
Eq. (6.8) may then give velocities higher than the local sound speed which
would be unphysical.

6.5.3

Mode of conduction

Our results indicate that the conductive heat flux during the pre-flare phase
is non-classical. The temperature gradient between the coronal source region
and the chromosphere is so steep that the classical Spitzer conduction is not
valid. The conductive flux is locally limited for temperature and density values
determined from GOES and may be fully saturated (i.e. the electrons are freely
streaming) in the case of the RHESSI measurements. Both situations lead to a
reduced heat flux compared to the classical Spitzer conductivity. This finding
does not change directly the conclusions drawn from the work presented here.
However, it requires that care be taken when computing total flare energy
budgets as the energy loss of the coronal source due to conduction may be
smaller than anticipated from the assumption of classical Spitzer conductivity.

6.5.4

Acceleration vs. heating

Despite the energy loss in the corona due to the heat flux, increasing temperatures during the pre-flare phase are observed. Continuous heating in the
coronal source is therefore necessary to sustain and even increase the observed
temperature. A strong candidate heating mechanism is wave-particle interaction as described in the transit-time-damping model (Miller et al. 1996; Grigis
& Benz 2006). Such a model could also explain the spectral time evolution
of the observations: Depending on the escape time and wave density in the
acceleration region, particles are not accelerated to non-thermal energies but
remain at a quasi-Maxwellian distribution observationally not distinguishable
from a purely thermal plasma at enhanced temperature. For increasing wave
density or escape time, particles are accelerated to higher energies, constituting a non-thermal tail which is clearly noticeable in the observations.

6.6. Conclusions
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However, the three dimensional geometry of the flare site has to be considered and a smooth transition from heating to acceleration at the same site may
not reflect reality in two of the presented events. As shown in Fig. 6.3, the position of the coronal source changes over time in the events of 03-Aug-2002 and
13-Nov-2003. Fárnı́k et al. (1996) and Fárnı́k & Savy (1998) made a statistical
study on the position of Yohkoh pre-flares and the successive impulsive flares,
finding that only in 25% of the observed events were the pre-flare emission and
impulsive flare emission spatially coincident. The other events were classified
into what the authors termed “distant” and “adjacent/overlapping” events. In
the latter case, parts of the pre-flare 50% maximum intensity emission overlap
with parts of the main flare emission while in the “distant” events, the two
emission patterns are spatially separated. If our two flares indeed fall into the
category of distant events, it will not change the interpretation of the pre-flare
phase, but care should be taken when interpreting the time-evolution of the
spectrum beyond the purely thermal phase.

6.6

Conclusions

The observed increase in thermal emission and SXR emission measure up to
minutes before the start of the impulsive flare phase in the four events presented here can be explained by chromospheric evaporation driven by thermal
conduction. To compensate for the heat loss, continuous heating in the coronal
source is needed. In this early phase, acceleration of particles to non-thermal
energies is minimal or non-existent. A scenario following stochastic acceleration is conceivable in which the coronal source region is only heated in the
early flare stages. As soon as the acceleration mechanism becomes efficient
enough, a tail of non-thermal particles is produced, first visible in the coronal
source and eventually in the footpoints.
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Chapter 7

Summary and Outlook
Flare physics has come a long way since the first discovery of flares by Carrington (1859). Despite the vast amount of data observed in all wavelengths
of the electromagnetic spectrum, many aspects of flare physics are still not
well understood.
The goal of this thesis was a better understanding of the particle acceleration in flares and the particle transport processes in flare loops, as well
as energy transport and deposition mechanisms. For this purpose, the time
evolution and the geometry of flares observed with the RHESSI satellite were
studied in images and spectra.
One conclusion that could be drawn from any flare study involving more
than one event is that no two flares are quite the same. Small flares are softer
than large flares (Chapter 2). The difference in spectral hardness between
coronal sources and footpoints is expected to be two from theoretical models.
However, differences significantly larger than two as well as differences smaller
than two are observed (Chapters 3, 4). Some events even display more than
two HXR footpoints, the most famous among them being a large event on 23.
July 2002 (Emslie et al. 2003; Holman et al. 2003), while others do not seem to
have any footpoint emission at all (Veronig & Brown 2004). While a soft-hardsoft time evolution of the HXR spectrum can often be observed, even in the
coronal source (Chapter 3) there are also cases displaying a soft-hard-harder
time evolution (eg. Frost & Dennis 1971; Grigis & Benz 2008). Further, some
flares experience pronounced pre-heating which cannot be explained within
the framework of the standard impulsive flare model (Chapter 6). In the preflare phase, thermal conduction seems to be the major energy transport agent
as opposed to electron beams. As a consequence of this large variety of flare
characteristics, it will be difficult if not impossible to find THE one flare model
which can explain all observations.
In the here presented analysis, we concentrated on flares with a “classical”
geometry, i.e. one coronal source and two footpoints. Even among those, each
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is unique concerning the spectral time evolution and the relation between the
coronal source and footpoint spectra. We can explain a large difference in
spectral hardness between corona and footpoints with return currents. What
about small differences? Can it be explained by physics rather than just
instrumental effects? What if we could extend our samples of up to 5 events
to 50? Would we see the trends we expect from the small sample? Finally, do
we see the start of the acceleration process in pre-flares? If one was to analyze
that phase more closely and in the framework of an acceleration model, one
could gain valuable insight into the acceleration process.
Of course it would be desirable to have even more and better data to work
on those questions. However, for researchers interested in the active Sun and
large flares, a long lasting solar activity minimum makes the current times
somewhat tedious. The HEDC database (Saint-Hilaire et al. 2002) lists only
2 X-class events in the year 2006 and none in the years 2007 and 2008. In
contrast there were 15 registered X-class events during 2002, the first year of
the RHESSI operation. On the other hand, these are good times to study
the quiet Sun. Hinode provides excellent instruments to observe micro-flares,
nano-flares and the quiet Sun and RHESSI was used to estimate the quiet Sun
HXR flux (Hannah et al. 2007).
While solar activity will increase eventually, planning for new missions
is ongoing. The Solar Dynamics Observatory (SDO) is scheduled for launch
in 2010 carrying an EUV imager as well as instruments for magnetic field
measurements and helioseismology. The ESA Solar Orbiter and the NASA
Solar Sentinels are ambitious projects to go “close up”. They are planned to
approach the Sun as close as 0.3 AU enabling the in-situ study of particles
accelerated to interplanetary space. The Solar Probe mission is supposed
to approach the Sun even further, as close as 4 solar radii. Although those
projects are still in the planning phase, the prospects for Solar Cycle 24 and
beyond are promising.

The sun is new each day
Heraclitus

Appendix A

Units and unit conversions
Table A.1: Unit conversion cgs to mks

Quantity
energy
power
force
charge
electric field
current
current density
magnetic field
electrical conductivity

cgs
1 erg
1 erg s−1
1 dyne
1 statcoul
1 statvolt cm−1
1 statamp
1 statamp cm−2
1G
1 s−1

mks
10 J
10−7 W
10−5 N
1
·10−9 C
3
3·104 Vm−1
1
·10−9 A
3
1
·10−5 Am−2
3
10−4 T
1
· 10−9 siemens m−1
3
−7

Table A.2: Conversions between measures used in solar physics

Wavelength ⇔ Frequency
Wavelength ⇔ Energy
Energy
Energy ⇔ Temperature
Scales on the Sun, from Earth

1 cm
1 Å
1 keV
1 keV
972 arcsec

⇔ 29.97925 GHz
⇔ 12.398413 keV
= 1.602·10−9 erg
⇔
11.604 MK
⇔
7·1010 cm

Appendix B

Conversion of photon to electron
spectra
X-ray observations such as the ones made with RHESSI yield a energy/flux
photon spectrum. To study the physics of a flare, one needs to know the
spectrum of the electrons which caused the X-ray emission.
Here, I am going to demonstrate the easy and often used approach of
forward-fitting a power-law function. Assume the photon spectrum can be
approximated by a power-law function in the following way:
F (ǫ) = Aǫ ǫ−γ =

Fnorm −γ
ǫ
(ǫnorm )−γ

[photons s−1 cm−2 keV−1 ]

(B.1)

Fnorm
with the photon spectral index γ and the normalization Aǫ = (ǫnorm
,
)−γ
where Fnorm is the flux at energy ǫnorm . The photon energy ǫ is given in
keV. The parameters γ and Aǫ can be found by fitting the observed photon
spectrum.
In the simplest approach, it is assumed that the corresponding electron
spectrum had the shape of a power-law, as well, which can then be written in
a similar way:

F (E) = AE E −δ =

Fnorm
E −δ
(Enorm )−δ

(B.2)

norm
with the electron spectral index δ and the normalization AE = (EFnorm
.
)−δ
The relation between the photon and electron spectrum, in particular between γ and δ and between Aǫ and AE depends on whether the electrons are
fully stopped in the target (thick target emission) or whether the beam passes
through the target without the particles loosing a significant amount of energy
(thin target).
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In a thick target, the incident electrons are fully stopped, loosing all their
energy to the target. Following Brown (1971) the parameters for the electron
spectrum are:
δ =γ+1

(B.3)

4πD2 K
γ(γ − 1)
Aǫ
Z 2 κBH B(γ − 1, 1/2)

(B.4)

Fnorm
γ(γ − 1)
4πD2 K
Z 2 κBH B(γ − 1, 1/2) (ǫnorm )−γ

(B.5)

Fnorm
γ(γ − 1)
B(γ − 1, 1/2) (ǫnorm )−γ

(B.6)

AE =

or, if we write the normalization Aǫ in terms of flux and normalization
energy:
AE =

D is the distance of the sun to the earth, B the beta-function, κBH the
Bethe-Heitler constant, and K = 2πe4 ln Λ. In this computation, the nonrelativistic Bethe-Heitler differential bremsstrahlung cross-section is used. All
the constants in one constant give:
AE = 6.44 · 1033

In the thin target case, the parameters for the electron spectrum are:
δ =γ−1
AE =

(B.7)

4πD2
γ−1
Aǫ
∆N κBH Z 2 B(γ − 1, 1/2)

(B.8)

Energy
The non-thermal power of an injected electron beam is given as:
P =

Z

∞
Ec

E · F (E) dE

(B.9)

As a straight power-law extended to low energies would lead to an infinite
amount of energy in the particles, a low energy cut off or turnover energy Ec
is introduced. The injected power is then given as:
Pc =

AE −(δ−2)
E
δ−2 c

[keVs−1 ].

(B.10)
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The assumption of an electron turnover as opposed to a cutoff, as well as
the choice of the cross-section has an influence on the outcome of the above
transformations and computation. For a careful investigation of this issue as
well as some guidance for dealing with the issue consult Saint-Hilaire & Benz
(2005).
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